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Cosmic Rays – A Century Old Puzzle

Open problems

- How is the spectrum formed? 
(ex. transition to extragalactic)

- How are CRs accelerated? 
(ex. Fermi mechanism: sCR~2)

- How do CRs propagate? 
(diffusion, rectilinear, or?)
…

“What is the origin?”
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Diffusive Shock Acceleration in Supernovae?

• Young supernova “remnants” are believed to be responsible 
for the bulk of CRs up to the knee and second (iron) knee 

• Naively, early CR and HE neutrino production is negligible
most of energy is in a kinetic form until the Sedov time
ex. uniform ISM: CR energy � dissipation energy � t3

• But situations are different   
when circumstellar material (CSM) exists

supernova remnant (Cas A)

2 K. Murase et al.

CSM. For a range of CSM parameters (mass and shock
dissipation radius), the shock is radiation-mediated — the
Thomson optical depth is larger than c/Vs (Weaver 1976;
Katz et al. 2010), where Vs is the shock velocity — and
efficient CR acceleration is not expected because the CR
collisionless mean free path is much shorter than the de-
celeration length. However, as the shock propagates in the
CSM, photons can stream out ahead of the shock, and pho-
ton energy can no longer support the shock (i.e., shock
breakout). After the breakout, for wind-like CSM pro-
files, the shock will become collisonless and CR accelera-
tion can be efficient (Murase et al. 2011; Katz et al. 2011;
Kashiyama et al. 2013). Recently, Murase et al. (2011) con-
sidered a collision between the SN ejecta with a CSM shell
and found that CR protons may be accelerated, and further-
more that the protons may experience strong pionic losses
via inelastic pp collisions, producing gamma-rays and neu-
trinos. Thus, interaction-powered SNe may be interesting
CR accelerators and high-energy/multi-messenger emitters.
In this work, we continue our study of the possibility of the
non-thermal emission from the shock interaction of a SN em-
bedded in a dense CSM. In particular, we focus on the sec-
ondary electrons and positrons expected from the same pp
collisions that give rise to neutrinos and gamma rays. Impor-
tantly, we show that these secondaries can emit detectable
synchrotron radiation at high-frequency radio wavelengths
including mm/submm and FIR bands.

In Section 2, we review the shock physics and the po-
tential for CR acceleration in interaction-powered SNe, pro-
viding a much more detailed discussion than Murase et al.
(2011). Section 3 gives a brief discussion of the high-energy
emission expected, and recipes that connect the observed
optical emission to the non-thermal signatures are provided
in Appendix A. In Section 4 we discuss high-frequency ra-
dio diagnostics. For a range of CSM parameters, we show
that secondary leptons from pp interactions should radi-
ate synchrotron at ∼ 3 − 3000 GHz, and with fluxes of
∼ 0.01−0.1 mJy at distances of hundreds of Mpc. In Section
5, we summarize our results.

Throughout this work, we use the notation Q = Qx10
x

in CGS unit unless we give notice.

2 BASIC SETUP

In this preparatory section, before we discuss non-thermal
signatures, we explain the picture of interaction-powered
SNe and describe the basic physical setup.

Let us consider SN ejecta with the kinetic energy Eej

and the velocity Vej. Noting Eej = MejV 2
ej/2 for the ejecta

mass Mej, the momentum and energy conservation laws give

MejVej +McsVcs = (Mej +Mcs)V (1)
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Figure 1. The schematic picture of the interaction-powered SN
scenario.

velocity. The total dissipated energy Ed is written as

Ed =
Mcs

Mej +Mcs

1
2
Mej(Vej − Vcs)

2

≈ Mcs

Mej +Mcs
Eej, (3)

where Vej ≫ Vcs is used in the last equality. The above
equation suggests that a significant fraction of Eej can
be dissipated if the CSM mass is large (see also, e.g.,
van Marle et al. 2010; Moriya et al. 2013b). Density profiles
of both the ejecta and CSM are important for detailed pre-
dictions. For example, when the density profile of the ejecta
is steep enough and most of its energy is carried by lower-
velocity ejecta material, the explosion has driven waves that
can be described by Chevalier-Nadezhin self-similar solu-
tions (Chevalier 1982a). When the shock wave sweeps up
ambient mass comparable to Mej and it is non-radiative, we
expect blast waves that can be described by Sedov-Taylor-
like self-similar solutions (see Truelove & McKee 1999, and
references therein). In this work, to push the basic idea and
avoid uncertainty in the ejecta profile and many other com-
plications due to radiation processes, we discuss non-thermal
properties without relying on such details. Our treatment
still provides an order of magnitude estimate of expected
non-thermal signals, and a more detailed study will be pre-
sented in an accompanying paper (Murase et al. 2014).

Hereafter, we assume that the CSM has a wind-like
power-law density profile and extends to the edge radius of
the wind, Rw. We expect that this is reasonable (see, e.g.,
Ofek et al. 2014), although details are uncertain due to poor
understandings of the CSM eruption mechanism. Then, the
CSM density is written as

ϱcs = DR−2
0

!

R
R0

"−s

≃ 5.0× 1016 D∗R
−2
0
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R
R0

"−s

g cm−3

(4)
where R should be expressed in cm, R0 = 1015 cm, and D∗
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F
lu

x
[e

rg
cm

−
2
s−

1
Å
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Figure 2. Selected visible-light spectra of SN 2010jl. The number near each
spectrum marks its age in days (see Table 2). The last spectrum taken on day
978 may be contaminated by emission from the underlying star-forming region.
(A color version of this figure is available in the online journal.)
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Figure 3. Temperature and radius of a blackbody that best fits the visible-light
spectroscopic observations as a function of time. Before fitting the spectra, we
corrected the flux normalization by comparing the spectra synthetic photometry
with the PTF R-band magnitudes. We also removed the prominent emission
lines and the Balmer discontinuity. We note that because of additional metal-
line blanketing, this estimate is likely a lower limit on the actual temperature.
The gray line shows the best-fit power law to the temperature measurements
in the first 390 days. The measurements marked by squares were obtained
clearly after the break in the optical light curve and were not used in the fit of
the temperature as a function of time. These late-time measurements may be
contaminated by the host-galaxy light.

(see also Smith et al. 2012). The Hα profile in the spectra
can be decomposed into a Lorentzian and a Gaussian, where
the Gaussian has a velocity width of σ ≈ 300 km s−1.
Alternatively, the early-time spectra can be decomposed into
three Gaussians, in which the widest Gaussian has velocity
width σ ≈ 4000 km s−1. At late times, about six months
after maximum light, the Hα line develops some asymmetry;
it is discussed by Smith et al. (2012) and attributed to dust
formation. We fitted a blackbody spectrum to the spectroscopic
measurements as a function of time, and the derived blackbody
temperatures and radii are shown in Figure 3.

Figure 4. Temperature and radius of a blackbody that best fits the Swift-UVOT
observations as a function of time. Observations made more than 500 days after
maximum light are excluded, as they are significantly affected by the host-
galaxy light and we do not yet have a reference image of the host. The gray line
shows a power law fitted to the temperature data.

2.3. Swift-UVOT

The Ultra-Violet/Optical Telescope (UVOT; Roming et al.
2005) on board the Swift satellite (Gehrels et al. 2004) observed
SN 2010jl on several occasions. The data were reduced using
standard procedures (e.g., Brown et al. 2009). Flux from the
transient was extracted from a 3′′ radius aperture, with a
correction applied to put the photometry on the standard UVOT
system (Poole et al. 2008). The resulting measurements, all
of which have been converted to the AB system, are listed in
Table 1 and are shown in Figure 1. We caution that these results
have not incorporated any contribution from the underlying host
galaxy and may therefore overestimate the SN flux at late times.
Specifically, the UVOT measurements in Figure 1 near 900 days
are heavily contaminated by an underlying star-forming region
in the host galaxy.

We fitted a blackbody spectrum to the UVOT measurements
as a function of time, and the results are shown in Figure 4.
In the fits we corrected the flux measurements for Galactic
extinction, assuming EB−V = 0.027 mag (Schlegel et al.
1998) and RV = 3.08 (Cardelli et al. 1989). We note that
we also tried to fit the blackbody spectrum with EB−V as a
free parameter and verified that the best fit is obtained near
the Schlegel et al. (1998) value for EB−V . The Swift-derived
blackbody temperature shows some indications that it is rising
in the first ∼200 days after maximum light. However, we caution
that deviations from a blackbody caused by spectral lines that
are not dealt with in the broadband observations, as well as
deviations from a blackbody spectrum (see Section 5.2) and
metal-line blanketing, can affect the derived temperature and
radius. Therefore, we argue that the quoted temperatures are
likely only a lower limit on the effective temperatures.

These temperature measurements differ from those obtained
using the spectroscopic observations (Section 2.3). However,
due to metal-line blanketing and given that the spectral peak is
too blue to be probed by visible-light spectra, we consider both
the spectroscopic and UVOT observations to be lower limits
on the temperature. The temperature evolution based on the
visible-light spectra is opposite to that based on the UVOT
observations. However, both evolutions seen in Figures 3 and 4
are very moderate. In Section 5.1 we investigate the effect of
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FIG. 10.— This plot summarizes the key and unique observational features of SN 2014C over the electromagnetic spectrum. Central Panel: X-ray (red stars)
and radio (7.1 GHz, blue stars) evolution of SN 2014C compared to a sample of Ibc SNe from Margutti et al. (2014b) and Soderberg et al. (2010). SN 2014C
shows an uncommon, steady increase in X-ray and radio luminosities until late times, a signature of the continued shock interaction with very dense material
in the environment. Upper panels: The optical bolometric luminosity of SN 2014C is well explained at early times by a model where the source of energy is
purely provided by the radioactive decay of 56Ni (grey thick line, top left panel). However, at later times (top right panel) SN 2014C shows a significantly flatter
temporal decay, due to the contribution of more efficient conversion of shock kinetic energy into radiation. This evolution is accompanied by a marked increase
of H↵ emission (Lower Panels), as a consequence of the SN shock interaction with H-rich material. See M15 and K15 for details about the spectroscopical
metamorphosis and the radio evolution, respectively.

Evidence of Strong Interactions w. Dense CSM

Margutti et al. 16SN 2014C (Ib->IIn)SN 2010jl (IIn)

examples of strong interactions w. dense wind or CSM (IIn, SLSN-II) 
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Figure 5. Blackbody temperature, radius, and luminosity for the dust component
and radius and effective temperature for the SN component for the epochs in
Figure 4.
(A color version of this figure is available in the online journal.)

At epochs earlier than ∼400 days, the dust temperature
is constant within errors at ∼1850 ± 200 K and then slowly
decays to ∼1400 K at 850 days. The blackbody radius is
∼(1–2) × 1016 cm for the first ∼300 days and then slowly
increases to ∼3 × 1016 cm at the last observation. The dust
luminosities we obtain for the first epochs are lower than the
NIR luminosities in Figure 3. The reason for this, as can be seen
in Figure 4, is that the photospheric contribution dominates the
J, H, and K bands for these epochs. At epochs later than the
day 465 observation, the opposite is true, which is a result of
including the total dust emission from the blackbody fit and not
only the NIR bands.

Already at ∼90 days, Andrews et al. (2011) found from NIR
and Spitzer observations an IR excess due to warm dust, but
with a lower temperature of ∼750 K than we find. Andrews
et al., however, only include the Spitzer fluxes to the dust
component, while we also include the J, H, and K bands in
this component, which explains our higher dust temperatures.
We note that Andrews et al. (2011) underestimate the K-band
flux in their SED fit.

Using the SED fitting, we can improve on the bolometric
light curve by separating the SN and dust contributions of
the IR flux to the bolometric luminosity and add this to the
BVri contribution in Figure 3. Based on the UV flux at the
epochs with HST observations, we multiply this by a factor
of 1.25 (Section 3.2). In this way we arrive at the bolometric
light curve from the SN ejecta alone in Figure 6, now shown
in a log–log plot. From this we see that the bolometric light
curve from the ejecta can be accurately characterized by a
power-law decay from ∼20 to 320 days, given by L(t) ∼
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L ∝ t−3/(n−2), n = 7.6
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Figure 6. Bolometric light curve for the SN ejecta, excluding the dust echo.
The dashed lines show power-law fits to the early and late light curves used to
construct the density distribution of the explosion. Note the pronounced break
in the light curve at ∼320 days. The dashed lines give power-law fits to the
luminosity before and after the break (see Section 4.5 for a discussion).
(A color version of this figure is available in the online journal.)

1.75 × 1043(t/100 days)−0.536 erg s−1 and a final steep decay
L(t) = 8.71 × 1042(t/320 days)−3.39 erg s−1 after day 320.

Ofek et al. (2014) estimate the bolometric light curve by
assuming a constant bolometric correction of −0.27 mag to the
R-band photometry. With this assumption, they find a flatter
light curve with L(t) ∝ t−0.36 for the same explosion date as
we use here. The reason for this difference is that the R-band
decays slower than most of the other bands, as can be seen from
Figure 2. The bolometric light curve will therefore be steeper
than the R-band light curve.

The slope depends on the assumed shock breakout date. Ofek
et al. (2014) discuss this based on the light curve and find a likely
range of 15–25 days before I-band maximum, corresponding
to JD 2,455,4692,455,479. Using 2,455,469 instead of our
2,455,479 would change the best-fit luminosity decline to
L(t) ∼ 1.9 × 1043(t/100 days)−0.61 erg s−1.

To estimate the total energy output from the SN, we assume
that the bolometric luminosity before our first epoch at 26 days
was constant at the level at 26 days, which is supported by the
early observations by Stoll et al. (2011), shown in Figure 2.
The total energy from the SN (excluding the echo) is then
6.5 × 1050 erg. In addition, there is a contribution from the
EUV as well as X-rays and mid-IR (Section 4.7). Even ignoring
these, we note that the total radiated energy is a large fraction
of the energy of a “normal” core-collapse SN (see Section 4.7).

3.3. Spectroscopic Evolution

Figures 7 and 8 show the SN 2010jl spectral sequence for days
29–847 obtained with FAST at FLWO and with grism 16 at NOT,
respectively. The former have the advantage of showing the full
spectral interval between 3500 and 7200 Å, and the NOT spectra
below 5100 Å have a higher dispersion, showing the narrow line
profiles better.

From our first optical spectra at 29 days to the last at 848 days,
we see surprisingly little change in the lines present (Figure 7).
The main difference is that the continuum is getting substantially
redder with time. This is also apparent from the steep light

10
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CR Acceleration in Interacting SNe? 
• Quasi-parallel, Bohm limit
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of Lff = 1042 erg s−1. Note that another estimate is possible based
on detailed modelling of radio SNe (e.g. Chevalier 1982b, 1984,
1998), although this work does not focus on such more model-
dependent studies. Most of Type IIn SNe have not been seen by
low-frequency radio observations, but we show that some of them
may be detectable at high-frequency radio wavelengths including
mm/submm and FIR bands (see below).

In Fig. 3, we indicate the above examples by stars for the purpose
of demonstration. Note that their parameters have large uncertainty
so such plots do not have to be very precise. Also, R increases as the
observation time t, so one can ideally draw evolution curves in the
(R, D) plane and (R, Mcs) plane. In addition to the four SNe, we indi-
cate SN 2006jc and 2008iy, which are also likely to be interaction-
powered SNe. For SN 2006jc, we use Mcs ∼ 0.02 M⊙ and
R = 9 × 1015 cm at the X-ray peak time of t ∼ 110 d based on Immler
et al. (2008). For SN 2008iy, we adopt Mcs ∼ 1 M⊙ and R = 1.7 ×
1016 cm at the peak time of t ∼ 400 d from Miller at al. (2010).

2.7 Maximum energy: possible Pevatrons

SN remnants have been largely believed to be the origin of
Galactic CRs up to the knee of 106.5 GeV (see a review Bell 2013,
and references therein). It would also be interesting to consider
interaction-powered SNe as potential accelerators of high-energy
CRs. The maximum energy of accelerated protons, EM

p , is deter-
mined by comparing tacc to the cooling time tcool and dynamical
time tdyn.

If the time-scales of energy losses (including adiabatic losses)
are long enough, the maximum energy is limited by the dynamical
time,

tdyn ≈ R

Vs
≃ 2.0 × 107 sR16(Vs/5000 km s−1)

−1
. (27)

Then, the maximum energy is (Murase et al. 2011)

EM
p ≈ 3.0 × 107 GeV ε

1/2
B,−2D

1/2
∗ (Vs/5000 km s−1)

2
. (28)

Note that the Larmor radius (rL) of protons is smaller than the
system size (R), where the protons are confined.

At small R and/or large D, the maximum energy is limited by
energy losses. The pp cooling time of protons is expressed as

tpp = 1
κppσppncsc

≃ 7.4 × 106 s D−1
∗ R2

16, (29)

where κpp ≈ 0.5 is the proton inelasticity. Equating tp−acc and tpp

gives (Murase et al. 2011)

EM
p ≈ 1.1 × 107 GeV ε

1/2
B,−2D

−1/2
∗ R16(Vs/5000 km s−1)

3
. (30)

Before CRs propagate in a galaxy, they need to escape from
the system without significant losses (e.g. Caprioli, Blasi & Am-
ato 2009; Ohira, Murase & Yamazaki 2010; Drury 2011). While
the ejecta interacts with a CSM, CR escape may be limited by the
free escape boundary lesc, which could be determined, e.g. by mag-
netic field amplification processes or wave damping via ion–neutral
collisions (Kulsrud & Cesarsky 1971). By comparing the diffusion
length (1/3)(crL/Vs) (in the Bohm limit) to lesc, we obtain

Emax
p ≈3.0×107 GeV ε

1/2
B,−2D

1/2
∗ (lesc/R)(Vs/5000 km s−1)

2
, (31)

where Emax
p is the maximum energy of escaping protons. If EM

p
is too low for CRs to escape within tdyn, CRs are confined and
their escape is non-trivial. If magnetic fields rapidly decay after the
shock crossing time (as often supposed in gamma-ray bursts), the
condition can be tesc ∼ tdyn < tcool, otherwise it depends on diffusion

Figure 4. The parameter range allowing Emax
p = 1015.5 eV protons in the

(R, D) plane. CR acceleration is possible at τT ! c/Vs and tacc < tpp
and tacc < tdyn are required to achieve EM

p = 1015.5 eV in the acceleration
region. The shaded region suggests the range where we do not expect either
production or escape of 1015.5 eV protons.

and adiabatic losses. As a reasonable condition for CRs not to be
depleted, we here assume lesc ∼ R and τ pp < 1.

In Figs 4 and 5, we show the parameter range allowing Emax
p =

1015.5 eV protons. Parameter space allowing for higher Emax
p is

narrower. If an ejecta–CSM interaction occurs at τ pp ! 1, CRs
are largely depleted. We need Mcs ! Mej to expect Ed ∼ Eej, and
R ! 1016 cm is typically favoured for escaping CRs to avoid signif-
icant pp cooling.

Higher-energy protons can generate pairs via the BH pro-
cess, which occurs at Ephν > mpmec4, i.e. Ep > 4.8 ×
105 GeV (hν/1 eV)−1. Sufficiently high-energy protons may domi-
nantly lose their energies via the BH process, especially in the op-
tically thick regime. For τT ! 1, the number density of thermalized
photons is nph ∼ τTLph/(4πR2ckTph), where Lph is the luminos-
ity of thermalized (re-processed) photons and ϵph is their energy
fraction. Assuming Lph = ϵphLkin, the BH cooling time tp − BH ≈
1/(κBHσ BHnphc) becomes

tp−BH ≃ 3.4 × 107 s ϵ−1
ph µeD

−2
∗

× R3
16(Vs/5000 km s−1)

−3
(kTph/1 eV), (32)

Figure 5. The same as Fig. 4, but for the (R, Mcs) plane, where Mcs has the
solar-mass unit.

MNRAS 440, 2528–2543 (2014)
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High-Energy Emission from Interacting Supernovae 3

ity, in which the dissipation energy is estimated to1

be McsEej/(Mej + Mcs). However, the realistic SN2

ejecta has a velocity profile and there is a high-velocity3

tail. Alternatively, Murase (2017) considered a time-4

dependent model, using a self-similar solution (Cheva-5

lier 1982; Nadezhin 1985; Moriya et al. 2013). In this6

more detailed model, the dissipated energy is given by7

Eej(> V ) / V

5��, where � is the index of the outer den-8

sity profile and V is the ejecta velocity. Here one should9

keep in mind that the higher-velocity ejecta is more ef-10

ficiently dissipated, which enhances the detectability of11

high-energy emission compared to the simplest model.12

While � = 10 (for a convective envelope) and � = 12 (for13

a radiative envelope) are often assumed (Matzner & Mc-14

Kee 1999), realistic values of � are uncertain for Type15

IIn SNe since it is a↵ected by pre-SN mass losses and16

the CSM may experience prior interactions (van Marle17

et al. 2010). Note that smaller values of � are also indi-18

cated for trans-relativistic SNe that are associated with19

low-luminosity GRBs (Margutti et al. 2014b).20

We consider a SN shock that propagates in the CSM.
For simplicity 3, we assume a CSM density profile of

%cs(R) = DR

�w
, (1)

where w = 2 corresponds to the wind profile. The target
nucleon density is given by

nN =
D
mH

R

�w ⌘ D

mHR

2
0

✓
R

R0

◆�w

' 1.8⇥ 109 cm�3
D⇤R

w�2
0,15 R

�w
15 , (2)

where D⇤ = D/(3⇥1015 g cm�1) and R0 is an arbitrary21

radius characterizing the CSM radius.22

As noted, a faster component of the ejecta is deceler-
ated earlier, and the kinetic luminosity that can be used
for dissipation at the forward shock is,

Ls = 2⇡%csR
2
sV

3
s ' 2.4⇥ 1042 erg s�1

D⇤R
w�2
0,15

⇥R

2�w
s,15 (Vs/5000 km s�1)

3
, (3)

where Rs is the shock radius and Vs is the shock ve-23

locity, respectively. The bolometric, thermal radiation24

luminosity (used for thermal SN emission in the optical25

and/or X-ray bands) is expressed as Lrad = ✏radLs.26

The neutrino and gamma-ray emission is governed by
the e↵ective optical depth of inelastic pp interactions,
fpp, which is estimated to be

fpp⇡pp�ppcnN (Rs/Vs)

' 1.6 D⇤R
w�2
0,15 R

1�w
s,15 (Vs/5000 km s�1)

�1
, (4)

3 The CSM profile may not be a simple power law, and the shell-
like structure has often been observed (e.g., Margutti et al. 2017).
In general, we may not apply self-similar solutions to describe the
shock dynamics.

where �pp ⇡ 3⇥ 10�26 cm2 is the inelastic pp cross sec-
tion and pp ⇡ 0.5 is the proton inelasticity, respectively.
Here we have used fpp ⇡ pp�ppc(rscnN )(�Rs/Vs) =
pp�ppcnN (Rs/Vs), where rsc is the shock compression
ratio and �Rs ⇡ Rs/rsc. Since the CR energy density
in the post-shock region is estimated to be ✏p%csV

2
s /2 =

✏pLs/(4⇡R2
sVs), for example, the gamma-ray luminosity

is given by

L� ⇡
1

3
min


Mcs(< R)

mH
pp�ppc

✏pLs

4⇡R2
sVs

, ✏pLs

�

⇡ 1

3
min[fpp, 1]✏pLs, (5)

where ✏p is the proton acceleration e�ciency that is ⇠27

0.1 in the DSA theory for quasi-parallel shocks (Caprioli28

& Spitkovsky 2014a). Such a value is also motivated by29

the hypothesis that interacting SNe are responsible for30

the observed CR flux around the knee energy (Murase31

et al. 2014; Sveshnikova 2003).32

The principal parameters are CSM nucleon density
nN , shock radius Rs, and shock velocity Vs, as explained
in Murase et al. (2011). The di↵erential gamma-ray lu-
minosity is estimated to be

E�LE� ⇡
1

3
min[fpp, 1]EpLEp

' 7.9⇥ 1040 erg s�1 min[fpp, 1]

⇥
✓

E�

0.1mpc
2

◆2�sp

✏p,�1R�1
p0,1

⇥D⇤R
w�2
0,15 R

2�w
s,15 (Vs/5000 km s�1)

3
, (6)

where sp is the proton spectral index and Rp0 ⇠ 5� 10
is the normalization factor that is given by

EpLEp ⌘ Ep
dLp

dEp
=

✏pLs

Rp0

✓
Ep

mpc
2

◆2�sp

. (7)

In this work, we parameterize the magnetic field by
UB ⌘ ✏B(⇢csV 2

s /2) (where UB is the magnetic energy
density), which leads to

B=(✏B4⇡%csV
2
s )

1/2

' 9.7 G ✏

1/2
B,�2D

1/2
⇤ R

w/2�1
0,15 R

�w/2
s,15 (Vs/5000 km s�1),(8)

where ✏B ⇠ 0.001 � 0.01 is assumed (Caprioli &33

Spitkovsky 2014b). Note that the significant amplifi-34

cation of an upstream magnetic field is required, which35

could be realized by CRs themselves via streaming in-36

stabilities. Or, the CSM could also be highly turbulent37

and magnetized, since the violent CSM eruptions may38

also be accompanied by shocks (Murase et al. 2014).39

Secondary electrons and positrons lose their energies
via synchrotron cooling, and their characteristic fre-

KM, Thompson & Ofek 14 MNRAS
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KASCADE, light (p), QGSJET II (see Appendix A)
KASCADE, medium (He+C+Si), QGSJET II (see Appendix A)
KASCADE, heavy (Fe), QGSJET II (see Appendix A)

Figure 11: The all-particle spectrum obtained in this work based on an unfolding of KASCADE-Grande measurements, and the spectrum obtained in [32] based
on an unfolding of KASCADE measurements (see Appendix A), are compared to spectra determined by other analysis methods of our collaboration [10] or other
experiments (see legend for references). Additionally shown are some elemental spectra representing different mass groups (see legend). The error bars denote
statistical uncertainties, error bands the systematic ones (the latter ones are only shown for the results of this work, as well as for the results obtained by the alternative
analysis methods of our collaboration [10]).

The all-particle spectrum, which suffers in this work from
uncertainties of the contributing elemental spectra and which
is structureless within the given uncertainties, agrees with that
determined in an alternative analysis of the KASCADE-Grande
data [10], where a small break-off at about 80 PeV was found18.
Furthermore, both KASCADE-Grande all-particle spectra are
compatible with the findings of most of the other experiments.
The unfolded energy spectra of light and intermediate pri-

maries are rather featureless in the sensitive energy range.
There are slight indications for a possible recovery of protons at
higher energies, which is, however, statistically not significant.
But, this finding would agree with the one in [31] where a sig-
nificant hardening in the cosmic ray spectrum of light primaries
was observed.
The spectrum of iron exhibits a clear knee-like structure at

about 80 PeV. The position of this structure is consistent with
that of a structure found in spectra of heavy primaries deter-
mined by other analysis methods of the KASCADE-Grande

18In the energy range from 1 PeV to some hundred PeV, this break-off in
the all-particle spectrum is the second one besides the one at about 3 PeV to
5 PeV reported in [32] based on KASCADE data an using also QGSJET-II-02
as interaction model.

data [3]. The energy where this knee-like structure occurs con-
forms to the one where the break-off in the all-particle spec-
trum is observed. Hence, the findings in this work and in [3]
demonstrate the first time experimentally that the heavy knee
exists, and the kink in the all-particle spectrum is presumably
caused by this decrease in the flux of heavy primaries. The
spectral steepening occurs at an energy where the charge de-
pendent knee of iron is expected, if the knee at about 3 PeV to
5 PeV is assumed to be caused by a decrease in the flux of light
primaries (protons and/or helium).
However, there is still uncertainty about whether the ap-

plied interaction models, especially the high energy one
QGSJET-II-02, are valid in all the details. As demonstrated
in [2], it is expected that variations in the interaction models
primarily affect the relative abundances of the primaries, and
hence assign possible structures given in the data to different
mass groups, while the structures themselves are rather model
independent. Although it was shown that the interaction models
used do not seem to exhibit significant weaknesses in describ-
ing the data, more certainty can be expected in the near future,
when man-made particle accelerators like the LHC reach lab-
oratory energies up to some hundred PeV, and hence allow to
optimize the interaction models in an energy range relevant for

11

Cosmic-Ray Origins?

SNe IIn as the origin of CRs above the knee?

knee
2nd knee

Apel et al. 13 APh

tail of Galactic CRs

Zirakashvili & Ptuskin 16 APh

SN IIn

ankle-like feature 

It seems that we need something that

can accelerate CRs beyond the knee



IceCube Neutrinos: Some Facts

- No single source detection & no significant clustering
- Easy to see: mostly isotropic → extragalactic sources
- spectral structure  around 100 TeV?

HE cosmic neutrinos have been seen by IceCube

But origins and mechanisms are not known yet

!19

IceCube’s high-energy neutrinos

IceCube collaboration, ICRC 2017

▶︎ Compatible with an isotropic distribution
◆ points to extragalactic origin of cosmic neutrinos

▶︎ No significant clustering of high-energy events

IceCube high-energy events > 30 TeV (2010 - 2016)

!15

The cosmic neutrino spectrum 
… could be more complex than a simple power law.

Aartsen et al., arXiv:1701.03731
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the CR spectrum. However, it cannot be too hard since
the decay kinematics of pions gives nεν ∝ const as a low-
energy neutrino spectrum [39]. In minimal pγ scenarios,
where neutrinos with εν ! εbν ! 25 TeV are produced
by CRs at the pion production threshold, the neutrino
spectrum is approximately given by

ενQεν ∝

!

ε2ν (εν ≤ εbν)

ε2−s′
ν (εbν < εν)

(minimal pγ) . (5)

In the left panel of Fig. 1, we show the resulting neu-
trino and γ-ray spectra with the diffuse neutrino flux
and the IGRB [40] for a neutrino break εbν in the range
6–25 TeV. Since the sub-TeV emission is dominated by
γ rays from cascades in the CMB and EBL, the tension
with the IGRB can be weaker than in pp scenarios. How-
ever, the IGRB contribution is still at the level of ∼ 50%
for εbν = 25 TeV and reaches ∼ 100% for εbν = 6 TeV.
The spectrum (5) can be realized when the target pho-

ton spectrum is a power law with a high-energy cutoff or
a gray body (see below). We note that specific models
have larger contributions to the IGRB, by accounting for
the detailed energy dependence of fpp/pγ , the contribu-
tion from low-energy CRs, and cooling of charged mesons
and muons. As examples, we consider hadronic γ rays in
the low-luminosity AGN model of Ref. [24] (Model A),
which can explain ! 100 TeV neutrino data, and the
choked GRB jet model of Ref. [21] (Model B), although
these sources are predicted to be opaque to very-high-
energy γ rays. The right panel of Fig. 1 shows the corre-
sponding all-flavor neutrino and generated γ-ray spectra
as thick blue and thin red lines. Pretending γ-ray trans-
parency leads to violation of the high-energy IGRB data.
The limits of the IGRB contribution of pγ scenarios are

expected to become even stronger by identifying addi-
tional point sources or by decomposing the emission into
contributions from individual source populations. This
will further constrain the γ-ray transparent sources for
εbν = 6–25 TeV, which are still allowed by the Fermi data
(cf. left panel of Fig. 1). On the other hand, since the
sub-TeV emission is dominated by γ rays from cascades
in the CMB and EBL, the tension with the IGRB can
easily be relaxed compared to pp scenarios if the sources
are hidden, i.e. if high-energy γ rays generated in the
sources of diffuse neutrinos undergo efficient interactions
with intrasource radiation. In fact, this is generally the
case for pγ scenarios as we will show in the following.

CONNECTING pγ AND γγ OPTICAL DEPTHS

Let us consider a generic source with target photons
of energy εt and spectrum nεt . For soft target spectra
nεt ∝ ε−α

t with α > 1, which is valid in most nonther-
mal objects, meson production is dominated by the ∆-
resonance and direct pion production. Its efficiency fpγ
is given by

fpγ(εp) ≈ (εtnεt)σ̂pγ(r/Γ) , (6)

where σ̂pγ ∼ 0.7 × 10−28 cm2 is the attenuation cross
section (the product of the inelasticity and cross sec-
tion [41, 42]), r is the emission radius, and Γ is the bulk
Lorentz factor of the source. The energy of protons that
typically interact with photons with energy εt is

εp ≈ 20εν ≈ 0.5Γ2mpc
2ε̄∆εt

−1 , (7)

where ε̄∆ ∼ 0.3 GeV, and ∼ 30 TeV neutrinos require x-
ray or MeV γ-ray target photons. We here consider tran-
srelativistic or relativistic sources, like GRBs, pulsars,
and AGN including blazars, where target radiation is pre-
sumably generated by synchrotron or inverse-Compton
emission from thermal or nonthermal electrons. The low-
energy photon spectrum can be expressed by power-law
segments, nεt ∝ ε−α

t , where α ≥ 2/3 [43]. For nεp ∝
ε−scr
p and α " 1, the efficiency scales as fpγ ∝ εα−1

p , and
the neutrino spectral index is s = scr+1−α. For α ! 1 we
have s ∼ scr above the pion production threshold due to
higher resonances and multipion production [41, 42]. A
similar scaling is obtained for gray-body and monochro-
matic target photon spectra [34, 42].
Now, in pγ scenarios, the same target photon field can

prevent γ rays from escaping the sources. The optical
depth to γγ → e+e− is given by

τγγ(εγ) ≈ (εtnεt)η(α)σT (r/Γ) , (8)

where σT ≃ 6.65 × 10−25 cm2 and η(α) ≃ 7(α −
1)/[6α5/3(1 + α)] for 1 < α < 7 [44], which is the or-
der of 0.1. The typical γ-ray energy is given by

εγ ≈ Γ2m2
ec

4εt
−1 . (9)

Eqs. (6) and (8) lead to the following relation [41, 45],

τγγ(ε
c
γ) ≈

σγγ

σ̂pγ
fpγ(εp) ≃ 10

"

fpγ(εp)

0.01

#

, (10)

where εcγ is the γ-ray energy corresponding to the reso-
nance proton energy satisfying Eq. (7),

εcγ ≈
2m2

ec
2

mpε̄∆
εp ∼ GeV

$ εν
25 TeV

%

. (11)

Thus, the neutrino data from 25 TeV to 2.8 PeV [5], cor-
responding to the proton energy range from ∼ 0.5 PeV
to ∼ 60 PeV, can directly constrain the two-photon an-
nihilation optical depth at εγ ∼ 1–100 GeV.
In general, the effective pγ optical depth fpγ de-

pends on source models. But too small values of fpγ
seem unnatural since the observed neutrino flux is not
far from the Waxman-Bahcall [46, 47] and nucleus-
survival bounds [48], corresponding to maximally effi-
cient neutrino production in the sources of ultrahigh-
energy (UHE) CRs. More quantitatively, it is possible
to obtain general constraints on fpγ by comparing the
observed CR and neutrino fluxes. Recently, Ref. [49]
obtained fpγ " 0.01 by requiring that the extragalactic

(cutoff due to the p production threshold)
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FIG. 1. Left Panel: All-flavor neutrino (thick blue lines) and isotropic diffuse γ-ray (thin red lines) fluxes for pp and minimal
pγ scenarios of Eqs. (4) and (5) that account for the latest IceCube data from ∼ 10 TeV to ∼ 2 PeV energies [5], where
s′ = sob = 2.5 is used. While pp scenarios require εbν = 25 TeV with a strong tension with the Fermi IGRB [13], minimal pγ
scenarios allow the range εbν of 6–25 TeV (shaded regions) as long as the sources are transparent to γ rays (see the main text for
details). Right Panel: Same as the left panel, but now showing diffuse neutrino fluxes of specific models from Refs. [21, 24].
To illustrate the strength of diffuse γ-ray constraints, we pretend that the sources were transparent to γ rays.

generation rates are conservatively related as [27]

εγQεγ ≈
4

3K
(ενQεν )

!

!

εν=εγ/2
, (3)

where γ-ray and neutrino energies are related as εγ ≈
2εν . However, the generated γ rays from the sources may
not be directly observable. Firstly, γ rays above TeV en-
ergies initiate electromagnetic cascades in cosmic radia-
tion backgrounds including the extragalactic background
light (EBL) and cosmic microwave background (CMB) as
they propagate over cosmic distances. As a result, high-
energy γ rays are regenerated at sub-TeV energies. Sec-
ondly, intrasource cascades via two-photon annihilation,
inverse-Compton scattering, and synchrotron radiation
processes, can prevent direct γ-ray escape. To see their
importance, we temporarily assume that the sources are
γ-ray transparent. We will see in the following that this
hypothesis leads to significant tensions with the IGRB.
In pp scenarios, neutrino and generated γ-ray spectra

follow the CR spectrum, assumed to be a power law. In
CR reservoirs such as galaxies and clusters, a spectral
break due to CR diffusion is naturally expected [14, 15].
Thus, the neutrino spectrum is approximately given by

ενQεν ∝

"

ε2−s
ν (εν ≤ εbν)

ε2−s′
ν (εbν < εν)

(pp) , (4)

where εbν is the break energy and the softening of the
spectrum, δ ≡ s′− s, is expected from the the energy de-
pendence of the diffusion tensor [28]. In pp scenarios, the
corresponding generated γ-ray spectrum is also a power
law ε−s

γ into the sub-TeV region (see Eq. (3)), where it
directly contributes to the IGRB [29] and Ref. [12] ob-
tained a limit s ! 2.1–2.2 for generic pp scenarios that

explain the " 100 TeV neutrino data. The limit is tighter
(s ∼ 2.0) if one relaxes this condition by shifting εbν to
! 30 TeV to account for the lower-energy data [30].

Motivated by results of Ref. [5], we calculate the dif-
fuse neutrino spectrum using Eq. (4) with s = 2 and
s′ = 2.5 and the corresponding γ-ray spectrum using
Eq. (3). Following Ref. [25], we numerically solve Boltz-
mann equations to calculate intergalactic cascades, in-
cluding two-photon annihilation, inverse-Compton scat-
tering, and adiabatic losses. As indicated in Eq. (3),
the results are not much sensitive to redshift evolution
models. In the left panel of Fig. 1 we show the resulting
all-flavor neutrino and γ-ray fluxes as thick blue and thin
red lines, respectively, in comparison to the Fermi IGRB
and IceCube neutrino data [5]. To explain the ! 100 TeV
neutrino data, the contribution to the IGRB should be
at the level of 100% in the 3 GeV to 1 TeV range and
softer fluxes with s " 2.0 clearly overshoot the data. As
pointed out by Ref. [12], this argument is conservative:
the total extragalactic γ-ray background is dominated by
radio-loud AGN whose jets point at us, i.e., blazars (e.g.,
Refs. [31, 32]), and their main emission is typically vari-
able and unlikely to be of pp origin [33, 34]. Most of
the high-energy IGRB could even be accounted for by
unresolved blazars [35–37]. Although the IGRB should
be decomposed with caution, if this blazar interpretation
is correct, there will be little room for CR reservoirs. A
recent study on the cross correlation between γ rays and
galaxies also supports our argument [38].

In pγ scenarios, neutrino and γ-ray spectra depend on
a target photon spectrum. The effective optical depth
to photomeson prodution (fpγ) typically increases with
CR energy, so that the neutrino spectrum is harder than

KM, Guetta & Ahlers 16 PRL
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Figure 4. Di↵use neutrino flux (per flavour) from SNe IIn as obtained from
our simulations when ✏p is a random number uniformly distributed between
0.01 and 0.1 (solid blue line) or ✏p is fixed for all sources (see legend). For
each case, the two curves enclose the 68 per cent of the simulated spec-
tra (⇠ 1� of a Gaussian distribution). It is assumed that SNe IIn consist
4 per cent of the CC SNe population. The model prediction of ZP16 for
✏p = 0.5 and ⇠ = 0.01 is overplotted for comparison. The points represent
the di↵erential energy spectrum of astrophysical neutrinos from the 4-year
high-energy starting event (HESE) IceCube sample. The one standard de-
viation upper limits are shown as arrows (The IceCube Collaboration et al.
2015). The best-fit neutrino spectrum of the 6-year IceCube muon neutrino
sample from the Northern Hemisphere is overplotted (shaded band) for dif-
ferent uncertainties: 68 per cent (cyan), 95 per cent (light blue), and 99 per
cent (dark blue) (Aartsen et al. 2016d).

3 RESULTS

3.1 Di↵use neutrino emission

Figure 4 presents our predictions for the di↵use neutrino flux (per
flavour) from SNe IIn in comparison with the astrophysical neu-
trino flux detected by IceCube (The IceCube Collaboration et al.
2015; Aartsen et al. 2016d). The blue solid lines enclose the 68 per
cent of the simulated spectra when the accelerated proton energy
fraction varies among sources in the range [0.01, 0.1]. All other
curves are obtained under the assumption of a constant accelera-
tion e�ciency among sources.

The energy spectrum of the di↵use neutrino emission is best
described by a power law with index ⇠ 2 and exponential cuto↵
at E⌫,c ⇠ 50 TeV, which results from the convolution of individ-
ual neutrino spectra with di↵erent cuto↵ energies (equation (9)).
The dispersion of the rest frame cuto↵ energies is mainly driven
by the wide range of ✏B values used in the simulations (see Sec-
tion 2.1). E⌫,c would shift towards higher energies, if ✏B � 10�3 in
all sources. The location of the exponential cuto↵ shown in Fig. 4
also depends on the assumption of Bohm acceleration. Were the ac-
celeration process slower or suppressed (e.g., Murase et al. 2011;
Metzger et al. 2016), the energy spectrum of the di↵use neutrino
flux would steepen at a few TeV energy.

The cumulative neutrino emission is ⇠ 10 per cent of the ob-
served IceCube neutrino flux above 60 TeV, if the accelerated pro-
ton energy fraction varies between 0.01 and 0.1 in di↵erent sources
(solid blue lines). However, if ✏p = 0.5 for all SNe IIn (i.e., higher
than most optimistic theoretical predictions), the model-predicted
neutrino flux (orange dashed lines) would exceed the observations.

Figure 5. Di↵use neutrino flux (per flavour) from SNe IIn at di↵erent ranges
of redshift. All curves correspond to the median spectrum of our simulations
when ✏p is a random number uniformly distributed between 0.01 and 0.1.
The fractional contribution to the total di↵use neutrino flux from SNe IIn
up to redshift z is shown in the inset plot.

The IceCube flux could be still explained by SNe IIn with ✏p = 0.5,
if the SNe IIn fraction was one per cent, as shown by ZP16 (green
solid line). Regardless, the 4-year HESE IceCube sample already
excludes the most extreme value for the proton accelerated energy
fraction, namely ✏p < 0.5 for ⇠ = 0.04. Similar constraints on ✏p can
be placed using the 6-year IceCube muon neutrino sample from the
Northern Hemisphere (shaded band in Fig. 4). This sample has a
higher energy threshold compared to the HESE sample (⇠ 194 TeV
compared to ⇠ 60 TeV, respectively), but higher precision in the de-
rived flux normalization and spectral index. At E⌫ . 500 TeV, the
model predictions for ✏p = 0.3 and ⇠ = 0.04 are in conflict with the
99% contours of IceCube. The tension with IceCube’s 95% confi-
dence limits is resolved, if the acceleration e�ciency is as low as
(✏p/0.2) ⇥ (⇠/0.04) . 1.

The contribution of SNe IIn at di↵erent redshift ranges to the
total di↵use neutrino flux is illustrated in Fig. 5. Approximately 50
per cent of the total neutrino flux originates from sources at z < 1
or DL < 6.6 Gpc. Sources at 1 < z < 2 contribute about 30 per
cent to the total flux, while the contribution of all sources beyond
z = 2 drops to 20 per cent, as a result of the decreasing volumetric
production rate of CC SNe and decreasing neutrino fluence from
a single source, which cannot match the increase of the comoving
volume with redshift.

3.2 SNe IIn as neutrino point sources

We present the evolution of the neutrino spectrum from a fiducial
SN IIn located at DL = 10 Mpc. We assume that neutrino pro-
duction begins after the shock breakout and terminates when the
shock decelerates or reaches the outer edge of the CSM extended
shell. Neutrino production is expected to be less important after this
point because either the shock decelerates or it encounters a sharp
negative density gradient at r & rw.

The neutrino flux is expected to reach its maximum value soon
after the shock breakout, with the exact peak time depending on the
neutrino energy. This will be exemplified below through numeri-
cal calculations. After the peak time, the flux typically decays as a
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GRB rate. In Fig. 3, we show the pγ component for the EJ
model, while the pp component is less important.
By definition, LL GRBs have gamma-ray counterparts,

which are attributed to the shock breakout emission in the
CJ-SB model or jet emission in the EJ model. Regardless of
the viability of each model as an explanation for LL GRBs,
the existence of choked jets is naturally expected and
should be anticipated in any situation with a jet buried deep
inside a star with or without extended material around it. In
the CJ model, there is no obvious high-energy electromag-
netic counterpart. It is known that long GRBs are associated
with core collapse SNe (e.g., GRB 060218/SN 2006aj,
GRB 980425/SN 1998bw, and GRB 100316D/SN
2010bh). These SNe tend to be Type Ibc, meaning little
to no hydrogen or helium is observed in the ejecta. There
are also broad-line Type Ibc SNewhich are often referred to
as hypernovae. SNe associated with LL GRBs (although
they are not necessarily hypernovae) are also characterized
by transrelativistic ejecta. It is then reasonable to assume
that a significant fraction of broad-line Type Ibc SNe or
hypernovae, even those without accompanying GRBs,
contain a choked jet such as in the CJ model. A joint
investigation between IC and the ROTSE Collaboration
attempted to detect optical transients from Type Ibc SNe
coincident with neutrino multiplets [89]. No such events
were found, but an upper limit on the rate of SNe with a jet
was found to be ≲4.2% of the assumed rate of ccSNe
within 10 Mpc. This study could be replicated using
neutrino singlets from IC and the All-Sky Automated
Survey for Supernovae (ASAS-SN; www.astronomy
.ohio‑state.edu/ assassin) network to further constrain our
CJ model.

More specific results involving the CJ scenario are
shown in Fig. 4. Although the model uncertainty is large
(since ξCR for GRB jets is not well known), our results
indicate that it is possible for choked jets to achieve the
observed level of the diffuse neutrino flux. In principle,
lower values of ξCR could be compensated by larger values
of fcho. We set a rough upper limit on the choked jet
contribution by using the observed hypernova rate, RHN ≈
4000 Gpc−3 yr−1 [22,63], which gives fcho ≲ 40 [11]. A CJ
rate similar to that of HNe is also in agreement with
Ref. [68], which considered neutrinos from electromag-
netically dim sources. They found that transients with a rate
of≲105 yr−1 up to z ∼ 1 could produce a detectable flux of
neutrinos. A similar result is also obtained by Ref. [72].
Using the assumed rate and CR energy injection per

event, the all-flavor diffuse neutrino flux is analytically
estimated to be

E2
νΦν ≃ 0.76 × 10−7 GeVcm−2 s−1 sr−1fsup min½1; fpγ"

×
!
ξz
3

"!
fchoECRRLL

1045 ergMpc−3 yr−1

"
R−1

p;1; ð17Þ

where fsup is the suppression factor due to meson and muon
cooling, ξz is a factor accounting for redshift evolution of
the rate [90,91], and Rp ¼ lnðεMp =εmin

p Þ ∼ 10 is the bolo-
metric correction factor. Interestingly, even this simple-
minded calculation is remarkably close to the measured
all-flavor diffuse flux of neutrinos [5],

E2
νΦob

ν j30 TeV ∼ 10−7 GeV cm−2 s−1 sr−1: ð18Þ

Murase et al. [27] showed that neutrino sources obscured in
the GeV-TeV gamma-ray range are necessary to explain the
IceCube data below 100 TeV with extragalactic sources,
independently of the neutrino production mechanism. LL
GRBs and choked jets satisfy this criterion, and their
contribution to the extragalactic gamma-ray background
is negligible.
As a lower limit, for given parameters we can use the rate

of observed LL GRBs (i.e., excluding choked jets
without prominent shock breakout emission). Noting
that the emitted CR energy is roughly the same as that
for hypernovae, RLL ∼ 100 Gpc−3 yr−1 results in
E2
νΦν ∼ 10−8 GeV cm−2 s−1 sr−1, which is compatible with

the IceCube data above 100 TeV. Using modest values of
fcho ∼ a few allows us to reasonably fit the IceCube data
obtained from the combined analysis.
One can set an optimistic upper limit for the contribution

of orphan neutrinos from choked jets by assuming the same
spectral shape as in the CJ-SB model with CR energy
injection rate of QCR ≲ 1046 ergMpc−3 yr−1. This upper
limit is set by the reasonable expectation that the CR
injection by GRB jets does not exceed the CR injection by
SN remnants (see Ref. [27]). Note that the CR injection
rate inferred by observations of the Galactic CRs is

FIG. 4. All-flavor diffuse neutrino fluxes from choked jets.
Neutrino emission from LL GRBs is shown for the CJ-SB model
(this work) and the EJ model [29]. In addition, orphan neutrino
emission from choked jets is included (thick curves). See the text
for details.
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Natural Analogies from Galactic CR Accelerators

proton acceleration (~10%)

mostly from along the WD-RG axis, assuming
an inverse-square law wind-density profile from
the RG center, with a ~ 1014 cm and ṀW ∼ 3!
10−7M⊙ year−1. Both of these values are a factor ≈
2 smaller than those suggested previously for the
V407 Cyg system (2).

The density of particles in the RG wind is
n(R) ¼ ṀW½4p(R2 þ a2 − 2aRcosqÞvW m&−1.
Here, the RG wind velocity, vw ≈ 10 km s−1, is
based on optical spectra (see SOM), the mean
particle mass is m ≈ 10−24 g, R is the distance
from the WD center, and q is the polar angle
relative to the WD center. The energy density in
the RG radiation field is, similarly, uIR(R) ¼
LIR½4pðR2 þ a2 − 2aRcosqÞc&−1, where c is the
speed of light. The RG luminosity, LIR ≈ 104L⊙
(where L⊙ is the luminosity of the Sun) (2, 11), is
consistent with a spectral fit to post-nova infrared
measurements with a temperature of ≈ 2500 K
(see SOM). Near the WD surface (R ≈ 0.01R⊙,
where R⊙ is the radius of the Sun), these densities
are n ~ 108 cm−3 and uIR ~ 0.01 erg cm

−3, and they
increase by up to one order of magnitude when
the nova shell approaches the RG surface (that
is, along q ≈ 0°) at a radius rRG ≈ 500 R⊙. An
equipartition of the energy density in the magnetic
field expected to arise from turbulent motions in
the wind to the thermal energy density in the RG
wind with temperature Tw ≈ 700 K (2) gives a
mean magnetic field Bsh(R) = [32pn(R)kTw]

1/2 ~
0.03 G (here, k is the Boltzmann constant) in the
shock wave when it is near the WD. Electrons
and protons can be accelerated efficiently in this
magnetic field (24) and interact with the surround-
ing RG wind particles and radiation.

The time scale for pp interactions for a p0

model to produce g-rays in the shock wave is
tpp ≈ 1/[4n(R)cspp] ~ 2.8 × 106 s when the nova
shell is near the WD. Here, spp ≈ 3 × 10−26 cm2 is
the pp cross section. Thus, t/tpp ~ 3%of the protons
can interact to produce p0 emission on a time scale
t = 1 day. In an IC scenario, the cooling time scale
for electrons with energy Ee ≈ 5 GeV that up-
scatter 2500-K photons to ≈ 100 MeV is tIC ¼
(3=4)m2

ec
3½sTEeuIR(R)&−1 ∼ 3:1! 105 s (here,me

is themass of the electron, and sT is the Thomson
electron scattering cross section). Thus, t/tIC ~
28% of the electrons produce g-rays efficiently in
a time scale t = 1 day. The efficiency for g-ray
production in both the p0 and IC models in-
creases substantially in the part of the nova shell
that expands toward the RG (q ~ 0°) and reaches
the deceleration phase, by accumulating RG wind
and atmospheric material of mass equal toMej, at
a distance ~ 7 × 1013 cm in ~2.5 days. The ef-
ficiency decreases rapidly in the part of the shell
that expands away from the RG (q ≥ 90°) because
of a decreasing density in both the RG wind and
radiation.

In our scenario, most of the g-rays come
from the part of the nova shell approaching the
RG. This can qualitatively explain the basic fea-
tures of the g-ray light curve (Fig. 1): (i) its
onset within days of the optical nova and the
peak flux reached in 3 days due to an increasing
efficiency for pp interactions and an increasing
volume of the shock-accelerated particles and
(ii) the decline in the flux after ~5 days due to
weakening of the shock wave after reaching the
deceleration phase. A highly significant 1-day
detection (6.5s) of an increase in g-ray flux 9 days
after the nova discovery (Fig. 1) could be due to
the nova shell hitting a part of the RG surface or
a nearby remnant of high density with a size
scale of ~1013(vsh/1500 km s−1)(t/1 day) cm.

A representative p0 decay model fitting the
LAT data with a cosmic-ray proton spectrum in the
form of an exponentially cut-off power-lawNp ¼
Np,0(Wp þ mpc2)−spe−Wp=Ecp (whereEcp,Wp, and
mp are the cut-off energy, kinetic energy, and
mass of the proton, respectively) is shown in Fig.
3. The g-ray spectrum is well reproduced with
a spectral index sp ¼ 2:15þ0:45

−0:28 , similar to the
expected spectrum from the Fermi acceleration
mechanism, with Ecp ¼ 32þ85

−8 GeV (1s uncer-
tainties) (see SOM). The total energy in g-rays
above 100MeVintegrated over the active period
is eg ≈ 3.6 × 1041 erg. The total energy in protons
is ep ≈ ∈ −1

p 〈Ep=Eg〉eg, where ∈p is the mean
efficiency for pp interactions and1=〈Ep=Eg〉 ≈ 0:2

is the mean fraction of proton energy transfer to
g-rays per interaction in the Eg ≥ 100 MeV range.
The ratio of the total energy in protons that produce
g-rays to the kinetic energy (ep/ek ~ 9%), with ∈p ~
0.2 averaged over the g-ray source lifetime of 15
days and the whole nova shell, is similar to 1 to
10% estimated in supernova remnants (25). The
ratio, however, is largerwhen considering dominant
g-ray emission coming mostly from the part of the
shell that expands toward the RG.

The leptonic model is represented in Fig. 3
as the total of the IC spectrum plus a small con-
tribution from bremsstrahlung emission that arises
from the scattering of electrons with protons of
density n(R) in the shock wave (see SOM). The
exponentially cut-off power-law electron spec-
trum, Ne ¼ Ne,0W −se

e e−We=Ece , where Ece and We

are the cut-off energy and kinetic energy of
electrons (in billion electron volts), respectively,
reproduces the g-ray spectrum with a spectral
index se ¼ −1:75þ2:40

−0:59 and Ece ¼ 3:2þ2:6
−0:1 GeV

(1s uncertainties) (see SOM). The total number
of electrons emitting in the steady state is Ne,0 ≈
4 × 1042 electrons, with a mean energy of 8.7
GeV, which is larger than Ece because of the
steep spectrum. The total energy in electrons
over 15 days of g-ray emission is ee ≈ 4 × 1041

ergs, averaged over the nova shell. Thus, the
total energy in electrons that produce g-rays in
the IC model is a small fraction of the kinetic
energy in the shell (ee/ek ~ 0.4%).

X-ray emission detected from V407 Cyg with
the Swift X-ray Telescope as early as 3 days after
the onset of the optical nova (Fig. 1) is probably
due to shock-heating of ambient gas (26, 27).
The x-ray flux starts rising substantially about
2 weeks after the nova, coinciding with when the
g-ray flux declines below the level of detectability.
In our geometric scenario, the sharply rising x-ray
flux is due to the increasing volume of shocked
gas in the nova shell expanding in the direction
away from the RG. The x-ray flux peaks about
30 days after the explosion, and its subsequent
slow decline is consistent with the longer time
scale of the deceleration phase.

The Fermi-LAT detection of V407 Cyg was
a surprise and adds novae as a source class to
the high-energy g-ray sky. The particle acceler-
ation mechanism and the g-ray emission scenar-
ios outlined here require the mass donor to be a
RG; that is, a nova in a symbiotic system. In-
terestingly, several symbiotic stars are known to
be recurrent novae (i.e., systems observed to have
undergone multiple thermonuclear runaways
within the last century), and recurrent novae are
often considered candidate progenitors of type
Ia supernovae (28). V407 Cyg may also belong
to this class of binaries, and we have adopted
parameters that are consistent with such a clas-
sification in modeling the g-ray emission. In gen-
eral, these sources can have dramatic influence
on the local interstellar medium and Galactic
cosmic rays, but few binary systems with a WD
are known to have a similar environment; hence,
we expect g-ray novae to be rare.

Fig. 3. SED of V407 Cyg in million electron
volt/billion electron volt g-rays measured by
the Fermi-LAT instrument over the period
from 10 March 18:00 to 29 March 00:00
2010. Vertical bars indicate 1s statistical
errors, red arrows indicate 2s upper limits,
and horizontal bars indicate energy ranges.
The best-fit p0 (black solid line) and
leptonic (blue dashed line) models are
indicated.
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low-energy break in IC 443 and 21s for that in
W44, when assuming a nested model with two
additional degrees of freedom.

To determine whether the spectral shape could
indeed be modeled with accelerated protons, we
fit the LAT spectral points with a p0-decay spec-
tral model, which was numerically calculated from
a parameterized energy distribution of relativistic
protons. Following previous studies (15, 16), the
parent proton spectrum as a function of momen-

tum p was parameterized by a smoothly broken
power law in the form of

dNp

dp
º p−s1 1þ p

pbr

! "s2 − s1
b

2

4

3

5
−b

ð1Þ

Best-fit parameters were searched using c2-
fitting to the flux points. Themeasured gamma-ray
spectra, in particular the low-energy parts, matched

the p0-decay model (Fig. 2). Parameters for the
underlying proton spectrum are s1 = 2.36 T
0.02, s2 = 3.1 T 0.1, and pbr = 239 T74GeV c−1 for
IC 443, and s1 = 2.36 T 0.05, s2 = 3.5 T 0.3, and
pbr = 22 GeV c−1 for W44 (statistical errors
only). In Fig. 3 we show the energy distribu-
tions of the high-energy protons derived from
the gamma-ray fits. The break pbr is at higher
energies and is unrelated to the low-energy pion-
decay bump seen in the gamma-ray spectrum.
If the interaction between a cosmic-ray precursor
(i.e., cosmic rays distributed in the shock upstream
on scales smaller than ~0.1R, where R is the SNR
radius) and adjacent molecular clouds were re-
sponsible for the bulk of the observed GeV gamma
rays, one would expect a much harder energy
spectrum at low energies (i.e., a smaller value for
the index s1), contrary to the Fermi observations.
Presumably, cosmic rays in the shock downstream
produce the observed gamma rays; the first index
s1 represents the shock acceleration index with
possible effects due to energy-dependent prop-
agation, and pbr may indicate the momentum
above which protons cannot be effectively con-
fined within the SNR shell. Note that pbr results in
the high-energy break in the gamma-ray spectra
at ~20 GeV and ~2 GeV for IC 443 and W44,
respectively.

The p0-decay gamma rays are likely emitted
through interactions between “crushed cloud” gas
and relativistic protons, both of which are highly
compressed by radiative shocks driven into mo-
lecular clouds that are overtaken by the blast
wave of the SNR (25). Filamentary structures of
synchrotron radiation seen in a high-resolution
radio continuum map of W44 (26) support this
picture. High-energy particles in the “crushed
cloud” can be explained by reacceleration of the
preexisting galactic cosmic rays (25) and/or fresh-
ly accelerated particles that have entered the
dense region (20). The mass of the shocked gas

Fig. 1. Gamma-ray count maps of the 20° × 20° fields around IC 443 (left) and W44 (right) in
the energy range 60 MeV to 2 GeV. Nearby gamma-ray sources are marked as crosses and squares.
Diamonds denote previously undetected sources. For sources indicated by crosses and diamonds,
the fluxes were left as free parameters in the analysis. Events were spatially binned in regions of
side length 0.1°, the color scale units represent the square root of count density, and the colors
have been clipped at 20 counts per pixel to make the galactic diffuse emission less prominent.
Given the spectra of the sources and the effective area of the LAT instrument, the bulk of the
photons seen in this plot have energies between 300 and 500 MeV. IC 443 is located in the
galactic anti-center region, where the background gamma-ray emission produced by the pool of
galactic cosmic rays interacting with interstellar gas is rather weak relative to the region around
W44. The two dominant sources in the IC 443 field are the Geminga pulsar (2FGL J0633.9+1746)
and the Crab (2FGL J0534.5+2201). For the W44 count map, W44 is the dominant source
(subdominant, however, to the galactic diffuse emission).
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Fig. 2. (A and B) Gamma-ray spectra of IC 443 (A) and W44 (B) as measured
with the Fermi LAT. Color-shaded areas bound by dashed lines denote the best-
fit broadband smooth broken power law (60 MeV to 2 GeV); gray-shaded bands
show systematic errors below 2 GeV due mainly to imperfect modeling of the
galactic diffuse emission. At the high-energy end, TeV spectral data points for IC
443 from MAGIC (29) and VERITAS (30) are shown. Solid lines denote the best-

fit pion-decay gamma-ray spectra, dashed lines denote the best-fit bremsstrah-
lung spectra, and dash-dotted lines denote the best-fit bremsstrahlung spectra
when including an ad hoc low-energy break at 300 MeV c−1 in the electron
spectrum. These fits were done to the Fermi LAT data alone (not taking the TeV
data points into account). Magenta stars denote measurements from the AGILE
satellite for these two SNRs, taken from (31) and (19), respectively.
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Why not for supernovae in dense winds?
scale up (higher velocity, larger explosion energy)

CR acc. in dense regions



Physics Motivations

• Cosmic-ray origin
tail of the observed CR spectrum beyond the knee 

• HE neutrino sources
contribution to diffuse neutrino flux

• Collisionless shock & CR ion acceleration
onset of diffusive shock acceleration (DSA)
roles of radiation (radiation-mediated, radiative) 

• Maximum CR energy
magnetic field amplification
neutral-ion collisional damping etc.

• CSM properties
g rays & neutrinos can probe hidden CSM interactions 
that are not directly probed by optical/X rays/radio



CRs Should Lead to Efficient Hadronic Interactions

Before breakout: 
collisional or radiation-mediated shock (no efficient DSA)
After breakout (for a wind or shell): 
collisionless & radiation-unmediated shock will form → DSA

tpp = 1/(n spp c)

tdyn = R/bc

tpp(rbo) ~ b-2 (spp/sT) ~ 60 (b/0.03)-2

dense environments -> efficient p/K production  
CR “calorimeters” -> probes of CR ion acceleration efficiency 

→ tpp = (R/b) n spp

at breakout1/b

CRs in the downstream should be dissipated via pp interactions

(KM, Thompson, Lacki & Beacom 11)

at breakout: tT=1/b=c/V



4 K. Murase et al.
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Figure 3. The same as Figure 2, but for the (R, Mcs) plane,
where Mcs has the solar-mass unit. Lines of the constant CSM
density (ncs=const.), constant post-breakout radiation luminos-
ity (ϵγLkin=const.), and constant optically-thin free-free luminos-
ity (Lff=const.) are also shown for comparison. For explanations
of specific SN examples, see Sub-section 2.6.

radius RD is sufficiently smaller than Rw (for s ! 2),
we have Rbo ≈ RD, and the shock breakout radius
can be written as Rbo ≈ Vstrise. When the CSM is so
dense that RD is larger than Rw, the rise time can
be smaller than Rbo/Vs due to ∆R ≪ Rbo ≈ Rw at the
breakout (Chevalier & Irwin 2011).

We expect that thermal radiation carries a significant
fraction (ϵγ < 1) of the energy carried by the interacting
shell (E), where the radiated energy 2 is Erad ≡ ϵγE and E
after the collision is roughly comparable to Ed (see Equa-
tion 3). Noting E/tdyn ∼ Lkin ≈ (1/2)ϱcsV

3
s (4πR

2), the
(bolometric) radiation luminosity just after the breakout is

Lrad = ϵγLkin = ϵγ
1
2
ϱcsV

3
s (4πR

2)

≃ 1.3× 1043 erg s−1(ϵγ/0.3)

× D∗ (Vs/5000 km s−1)
3
. (11)

The constant radiation luminosity line, D∗ ≃
8.5(Vs/5000 km s−1)

−3
Lrad,44 (with ϵγ = 0.3), is de-

picted in Figures 2 and 3. A more sophisticated model is
given by Chevalier & Irwin (2011), which is summarized in
Appendix A 3.

2 For the adiabatic index γ̂ = 4/3, ϵγ = 0.32 is obtained in the
mini-shell model (Chevalier & Irwin 2011). See also Ofek et al.
(2013d).
3 For the purpose of modeling observed light curves, which is
not the focus of this work, one may use expressions for more
general profiles of ϱcs ∝ R−s and ϱej ∝ R−m (Svirski et al. 2012;
Ofek et al. 2014)

2.2 Late phase: post-breakout interactions

The collision between the SN ejecta and the CSM may
start from the optically-thick regime. Then, after the shock
breakout, the interaction eventually enters the optically-
thin regime. This regime typically comes after the time of
∼ (c/Vs)(Rbo/Vs) when Rw is large enough. Hence, for op-
tically SLSNe such as SN 2006gy, it usually happens only
after the shock crosses ∼ Rw . In order to expect optically-
thin ejecta-CSM interactions within Rw, relatively large Rw

and/or low Mcs are needed. Alternately, the collision may
occur at τT ∼< c/Vs if CSM effectively has an inner edge
and can be regarded as a shell. Especially for optically-thin
interactions at τT ∼< 1, hard X rays easily leave the system
although ultraviolet photons and soft X rays may be at-
tenuated due to bound-free absorption. Indeed, such X-ray
and radio emissions have been observed in some SNe like
SN 1988Z (Chugai & Danziger 1994; Ofek et al. 2013b) and
2006jd (Chandra et al. 2012a).

Let us consider a CSM extending to Rw. For
τT (Rw) ∼< c/Vs, the characteristic duration of emis-
sion is expected to be ≈ Rw/Vs (or ≈ Rdec/Vs).
When the dominant loss process for thermal electrons
is the free-free emission, the (bolometric) radiation lu-
minosity mainly comes from bremsstrahlung emission. In
the non-radiative case, we have (Rybicki & Lightman 1986;
Chevalier & Fransson 2003)

Lrad ≈ Lff = 4πΛffn
2
eR

2 ≈ Λff
Mcsσϱcs
µ2
em2

H

≃ 1.1 × 1042 erg s−1 ḡffµ
−2
e

× D2
∗,−1R

−1
16 (Vs/5000 km s−1), (12)

where ḡff is the Gaunt factor, Λff for hydrogen is
used, and absorption is not considered yet 4. Here the
compression factor σ is taken to be 4 but can be
larger. The constant radiation luminosity line, D∗ ≃
0.096ḡ−1/2

ff µeR
1/2
16 (Vs/5000 km s−1)

−1/2
Lff,42, is depicted in

Figures 2 and 3. When the shock is radiative, Lrad should
be limited by the kinetic luminosity as in equation (11). It
roughly occurs when the cooling time tff ≈ (3kTe/Λffncs) ≃
3.1 yr ḡ−1

ff T 1/2
e,8 D∗,−1R2

16 is shorter than time t. Note that

Lff is proportional to t−1 and Te ∼> 2 × 107 K is assumed,
otherwise cooling by line emissions becomes relevant (e.g.,
Chevalier & Fransson 2003).

2.3 Shock properties

Whether efficient CR acceleration occurs or not depends on
the shock properties. When an ejecta-CSM collision occurs
at sufficiently small radii, the shock is initially radiation-
mediated in the sense that the upstream shock structure
is modified by radiation from the downstream. For non-
relativistic shocks where effects of pairs are irrelevant, the

4 Even if the absorption is serious, X rays are detectable if the
unattenuated X-ray luminosity is large enough, as suggested in
SN 2010jl (Ofek et al. 2014).
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Figure 24. Absolute R-band magnitude of SN 2009ip (pink dots) compared
to the sample of Type IIn SNe with R-band photometric coverage around the
peak (from Kiewe et al. 2012; Ofek et al. 2010). Colored area: typical absolute
magnitude of LBV-like eruption episodes. Pink triangles mark the luminosity of
SN 2009ip during the 2011 outburst (t = 0 corresponds here to 2011 July 8 for
convenience). The exceptional SN (impostor?) SN1961V (photographic plate
magnitudes; from Pastorello et al. 2013) and η-Carinae during the 19th century
Great Eruption (Mvis as compiled by Frew 2004; see also Smith & Frew 2011)
are shown with green triangles. The comparison with SN 2010mc is shown in
Figure 29.
(A color version of this figure is available in the online journal.)

release of comparable amount of energy, even if on timescales
much longer than those observed for SN 2009ip (the “Great
Eruption” lasted about 20 yr). A nonterminal explosion has also
been recently suggested to interpret the Type IIn SN 1994W
(Dessart et al. 2009) and SN 2011ht (Humphreys et al. 2012).

SN 2010mc shows instead striking similarities to SN 2009ip
both in terms of timescales and of released energy (Figure 29).
As in SN 2009ip, a precursor bump was detected ∼40 days
before the major outburst. Ofek et al. (2013b) calculate Erad >
6 × 1047 erg (precursor bump) and Erad ∼ 3 × 1049 erg (major
outburst) for SN 2010mc, compared with Erad1 = (1.5 ± 0.4) ×
1048 erg and Erad2 = (3.2 ± 0.3)×1049 erg we calculated above
for SN 2009ip. The very close similarity of SN 2010mc and
SN 2009ip originally noted by Smith et al. (2013) has important
implications on the nature of both explosions (see Section 8).

7. SOURCE OF ENERGY AND PROPERTIES OF
THE IMMEDIATE ENVIRONMENT

In the previous sections we concentrated on the properties of
the explosion and its environment that can be directly measured;
here we focus on properties that can be inferred from the data.

The light-curve of SN 2009ip shows two major episodes of
emission: the precursor bump (2012a outburst) and the major

Figure 25. Renormalized R-band magnitude of SN 2009ip compared with the
sample of SNe IIn of Figure 24. Shades of orange (blue) are used for SNe with
a slower (faster) rise time. SN 2009ip is characterized by a fast rise and fast
decay.
(A color version of this figure is available in the online journal.)

rebrightening (2012b explosion). Is this phenomenology due to
two distinct explosions or is the double-peaked light-curve the
result of a single explosion? Models where the first bump in
the light-curve is a SN explosion while the second peak is due
to the interaction of the SN ejecta with the CSM (Mauerhan
et al. 2013) belong to the “single-explosion” category. In the
following we proceed instead with a two-explosion hypothesis
and argue that we witnessed two separate but causally connected
explosions from the progenitor of SN 2009ip. This scenario has
the advantage of naturally explaining the appearance of faster
moving material during the 2012b outburst.

7.1. Limit on the Nickel Mass Synthesized
by the 2012b Explosion

Narrow emission lines in the optical spectra of SN 2009ip
require that interaction with previously ejected material (either
in the form of a stable wind or from erratic mass-loss episodes)
is occurring at some level. The multiple outbursts of SN 2009ip
detected in the 2009, 2011 and 2012 August (from 3 yr to
∼1 month before the major 2012 explosion) are likely to
have ejected conspicuous material in the immediate progenitor
surroundings so that interaction of the 2012b explosion shock
with this material qualifies as an efficient way to convert kinetic
energy into radiation.

The radioactive decay of 56Ni represents another obvious
source of energy. We employ the nebular phase formalism de-
veloped by Valenti et al. (2008; expanding on the original work
by Sutherland & Wheeler 1984 and Cappellaro et al. 1997) to
constrain the amount of nickel synthesized by the 2012b explo-
sion using late-time observations. If the observed light-curve
were to be entirely powered by the energy deposition of the
56Ni radioactive decay chain, our latest photometry would im-
ply MNi ∼ 0.03 M⊙ for a standard explosion kinetic energy of
Ek = 1051 erg. For a low-energy explosion with Ek = 1050 erg,
MNi ∼ 0.08 M⊙. Allowing for other possible sources of en-
ergy contributing to the observed luminosity (like interaction),
we conclude MNi < 0.08 M⊙. Using this value (and the pho-
tospheric formalism by Valenti et al. 2008 based on Arnett
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Shock breakout model
CSM mass:
Mcs ~ (4pR2/3sT)mPtT
Dissipation energy:
E~(1/2)McsV2

ex. SN 2009ip
R~0.5x1015 cm, V~5000 km/s
around the peak 
→ Mcs~0.08 Msun
→ E ~ 2 x 1049 erg 
→ Eg ~ (1/3)epE ~ 7x1047 erg

En ~ (1/2)epE ~ 1048 erg 
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Figure 27. Broadband SED of SN 2009ip around the optical peak. Shaded bands highlight different components that dominate at different wavelengths. Neutral
pion decay leads to γ -rays that are powered by the collision between the ejecta and extremely dense CSM shells. We show the limits from Fermi-LAT obtained
between tpk − 2 days and tpk + 4 days. Dashed purple line: expected GeV emission based on Section 7.2 assuming no attenuation. The thick-line model includes
partial attenuation as relevant for a clumpy and/or asymmetric medium (Section 7.4). Soft and hard X-ray emission originates from the interaction of the shock with
the CSM: both thermal and nonthermal emission might arise, mainly depending on the environment density. We show here a power-law (nonthermal emission, thick
line with Fλ ∝ λ−2.4) and a thermal bremsstrahlung model with kT = 60 keV (dashed line) that fit the Swift-XRT 0.3–10 keV data obtained between tpk − 2 days
and tpk + 4 days. Swift-BAT 15–150 keV data acquired at tpk ± 1 days are also shown. The dotted line marks the energy of 60 keV: this is the typical frequency of
high-energy photons emitted by the collisionless shock that forms at shock break-out (Katz et al. 2011). Optical and UV emission is powered by the shock break-out
plus continued shock interaction with the environment. Orange line: best-fitting blackbody with T ≈ 17,000 K at t ≈ tpk. NIR and IR emission could originate from
dust (formation, vaporization, or light-echo) or free-free emission. Due to the high temperature (T ≈ 3000 K, crimson solid line) only dust vaporization or (more
likely) free-free emission from an extended outflow can explain our observations. Shock-CSM interaction is also the source of millimeter and radio photons through
synchrotron emission. At these times this emission was quenched by free-free absorption by the dense shell of material.
(A color version of this figure is available in the online journal.)

7.7. GeV and Neutrino Emission at Shock Break-out

The collision of the ejecta with massive, dense shells is
expected to accelerate cosmic rays (CRs) and generate GeV
gamma-rays (Murase et al. 2011; Katz et al. 2011) with flu-
ence that depends both on the explosion and on the environ-
ment parameters. The GeV emission is expected to be almost
simultaneous with the UV–optical–NIR emission.

The proximity of SN 2009ip (≈24 Mpc) justifies the first
search for GeV emission from shock break-out. Fermi-LAT
observations covering the period tpk −30 days until tpk +28 days
yielded no detection (Section 2.7). Following Murase et al.
(2011), we predict the GeV emission from SN 2009ip (2012b
outburst) using the explosion and environment parameters
inferred in Section 7.2 (shell density ρw, corresponding to
n ≈ 4×1010 cm−3 at the break-out radius, or mass Mw) together
with the observables of the system (trise, Rbo). We take into
account the attenuation due to γ γ → e+e− pair production,
assuming a blackbody spectrum with T = 20,000 K. The
attenuation by extragalactic background light is also included.
Since n is not too large, the Bethe–Heitler pair production will be
irrelevant in our case, as it happens for a clumpy or asymmetric
CSM (Section 7.4). The injected CR energy ECR is assumed
to be equal to that of the radiation energy at trise. We compare
the expected GeV fluence with observations in Figure 27: the
Fermi-LAT nondetection is consistent with our picture of ejecta

crashing into a compact and dense but low-mass (!0.1–0.2 M⊙)
shell of material at small radius that we developed in the previous
sections. For the detection of γ -rays, brighter SNe (closer SNe
or SNe accompanying larger dissipation) are needed.

Using the set of parameters above we predict the muon and
antimuon neutrino fluence from SN 2009ip in Figure 28, us-
ing the model by Murase et al. (2011). CRs produce mesons
through inelastic proton–proton scattering, leading to neutri-
nos as well as γ -rays. As for the γ -rays, given that the
explosion/ environment parameters are constrained by obser-
vations at UV/optical/NIR wavelengths, the neutrino fluence
directly depends on the total energy in CRs, ECR (or, equiv-
alently on the CR acceleration efficiency ϵCR, ECR ≡ ϵCRE,
being E the explosion energy). Note that the injected CR energy
ECR is assumed to be the radiation energy at trise, but larger val-
ues of ECR are possible. The maximum proton energy is also set
to 1.5 PeV, corresponding to εB = 0.01. Our calculations show
that SN 2009ip was a bright source of neutrinos if ECR is com-
parable to the radiated energy. We note however that its location
in the southern sky was not optimal for searches for neutrino
emission by IceCube because of the severe atmospheric muon
background.

With this study we demonstrate that it is possible to constrain
the CR acceleration efficiency if: (1) the explosion/ environment
parameters are constrained by observations at UV/optical/NIR
wavelengths; (2) deep limits on muon neutrinos are available,

22
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• L = L0 t-a (a~0.54-0.56)
• evolution of n, R, V  

obs. based
• focus on calculation

from t=20 d (breakout)
to the break at 250 d

Ofek et al. 14 ApJ (see also Moriya et al. 13 MNRAS)

The Astrophysical Journal, 797:118 (40pp), 2014 December 20 Fransson et al.

1000

1500

2000

2500

T du
st

 (
K

)

     
0

1

2

3

4

R
du

st
 (

10
16

 c
m

)

0

5

10

15

Days after first detection

T ef
f (

10
3  K

)

0

1

2

3

R
ph

ot
 (

10
15

 c
m

)

0 100 200 300 400 500 600 700 800 900
0

2

4

6

L du
st

 (
10

42
 e

rg
 s

−1
)

Days after first detection

Figure 5. Blackbody temperature, radius, and luminosity for the dust component
and radius and effective temperature for the SN component for the epochs in
Figure 4.
(A color version of this figure is available in the online journal.)

At epochs earlier than ∼400 days, the dust temperature
is constant within errors at ∼1850 ± 200 K and then slowly
decays to ∼1400 K at 850 days. The blackbody radius is
∼(1–2) × 1016 cm for the first ∼300 days and then slowly
increases to ∼3 × 1016 cm at the last observation. The dust
luminosities we obtain for the first epochs are lower than the
NIR luminosities in Figure 3. The reason for this, as can be seen
in Figure 4, is that the photospheric contribution dominates the
J, H, and K bands for these epochs. At epochs later than the
day 465 observation, the opposite is true, which is a result of
including the total dust emission from the blackbody fit and not
only the NIR bands.

Already at ∼90 days, Andrews et al. (2011) found from NIR
and Spitzer observations an IR excess due to warm dust, but
with a lower temperature of ∼750 K than we find. Andrews
et al., however, only include the Spitzer fluxes to the dust
component, while we also include the J, H, and K bands in
this component, which explains our higher dust temperatures.
We note that Andrews et al. (2011) underestimate the K-band
flux in their SED fit.

Using the SED fitting, we can improve on the bolometric
light curve by separating the SN and dust contributions of
the IR flux to the bolometric luminosity and add this to the
BVri contribution in Figure 3. Based on the UV flux at the
epochs with HST observations, we multiply this by a factor
of 1.25 (Section 3.2). In this way we arrive at the bolometric
light curve from the SN ejecta alone in Figure 6, now shown
in a log–log plot. From this we see that the bolometric light
curve from the ejecta can be accurately characterized by a
power-law decay from ∼20 to 320 days, given by L(t) ∼
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10

41

10
42

10
43

10
44

lo
g 

L bo
l (

er
g 

s−1
)

L ∝ t−3/(n−2), n = 7.6
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Figure 6. Bolometric light curve for the SN ejecta, excluding the dust echo.
The dashed lines show power-law fits to the early and late light curves used to
construct the density distribution of the explosion. Note the pronounced break
in the light curve at ∼320 days. The dashed lines give power-law fits to the
luminosity before and after the break (see Section 4.5 for a discussion).
(A color version of this figure is available in the online journal.)

1.75 × 1043(t/100 days)−0.536 erg s−1 and a final steep decay
L(t) = 8.71 × 1042(t/320 days)−3.39 erg s−1 after day 320.

Ofek et al. (2014) estimate the bolometric light curve by
assuming a constant bolometric correction of −0.27 mag to the
R-band photometry. With this assumption, they find a flatter
light curve with L(t) ∝ t−0.36 for the same explosion date as
we use here. The reason for this difference is that the R-band
decays slower than most of the other bands, as can be seen from
Figure 2. The bolometric light curve will therefore be steeper
than the R-band light curve.

The slope depends on the assumed shock breakout date. Ofek
et al. (2014) discuss this based on the light curve and find a likely
range of 15–25 days before I-band maximum, corresponding
to JD 2,455,4692,455,479. Using 2,455,469 instead of our
2,455,479 would change the best-fit luminosity decline to
L(t) ∼ 1.9 × 1043(t/100 days)−0.61 erg s−1.

To estimate the total energy output from the SN, we assume
that the bolometric luminosity before our first epoch at 26 days
was constant at the level at 26 days, which is supported by the
early observations by Stoll et al. (2011), shown in Figure 2.
The total energy from the SN (excluding the echo) is then
6.5 × 1050 erg. In addition, there is a contribution from the
EUV as well as X-rays and mid-IR (Section 4.7). Even ignoring
these, we note that the total radiated energy is a large fraction
of the energy of a “normal” core-collapse SN (see Section 4.7).

3.3. Spectroscopic Evolution

Figures 7 and 8 show the SN 2010jl spectral sequence for days
29–847 obtained with FAST at FLWO and with grism 16 at NOT,
respectively. The former have the advantage of showing the full
spectral interval between 3500 and 7200 Å, and the NOT spectra
below 5100 Å have a higher dispersion, showing the narrow line
profiles better.

From our first optical spectra at 29 days to the last at 848 days,
we see surprisingly little change in the lines present (Figure 7).
The main difference is that the continuum is getting substantially
redder with time. This is also apparent from the steep light

10
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emission region with the size Rs. In a time-dependent1

model, we need to know three quantities, %cs, Rs, and2

Vs as a function of time t. If all three quantities are3

described by power laws, which are assumed throughout4

this work for simplicity, one needs five parameters, D,5

w, R0, t0, and the temporal index a, to describe the SN6

dynamics. Here, just for convenience, we take R0 = Rbo7

and t0 = tbo, where Rbo is the photon breakout radius8

and tbo is the breakout time.9

The CSM density given by equation (1) can be re-
written as

%cs(R) = DR

�2
bo

✓
R

Rbo

◆�w

, (15)

where D = D for w = 2. The nucleon density is given10

by nN = %cs/mH .11

Assuming a power-law evolution, the shock radius and
velocity are parameterized as

Rs = Rbo

✓
t

tbo

◆a

(16)

and

Vs = Vbo

✓
t

tbo

◆a�1

, (17)

where Vbo = aRbo/tbo. Note that if the self-similar12

solution is adopted, the index a is explicitly given by13

a = (� � 3)/(� � w), where � ⇠ 7 � 12 is the index of14

the outer ejecta profile, %ej / t

�3(r/t)�� (e.g., Matzner15

& McKee 1999).16

The shock power is calculated as

Ls =

✓
�⌦

2

◆
DV

3
bo

✓
t

tbo

◆5a�3�aw

/ t

�↵
, (18)

where ↵ = 3�a(5�w). If we assume the self-similar so-17

lution, which is valid until the deceleration of the inner18

ejecta starts, we obtain ↵ = [(��3)(w�2)+3(3�w)]/(��19

w) (e.g., Moriya et al. 2013; Ofek et al. 2014b; Chevalier20

& Fransson 2016; Murase 2017). Note that �⌦ = 4⇡ in21

the spherical geometry, and it has been argued that the22

CSM could be aspherical or even clumpy (e.g., Smith23

2014; Margutti et al. 2014a). Only a fraction (✏rad < 1)24

of the shock power is used for the radiation luminos-25

ity, Lrad = ✏radLs, and one may parameterize the shock26

power by Ls = Lrad/✏rad.27

We assume that the DSA works as in SNRs, and con-
sider a power-law form,

dnCRp

dp

/ p

�s
e

�p/p
max

, (19)

and we consider sp = 2.2 as a fiducial case, which is
consistent with the GeV-TeV gamma-ray observation of
the young SNR, Cas A (e.g., Ahnen et al. 2017, and
references therein). The maximum momentum, pmax,

is determined by CR cooling processes such as pp in-
teractions, Bethe-Heitler pair production, and adiabatic
losses 4. The normalization of the CR ion spectrum is
determined by

Up =

Z p
max

dp Ep
dnCRp

dp

, (20)

where Up ⇡ ✏pLs/(4⇡R2
sVs) is used. Throughout this28

work, we choose ✏p = 0.05 as a fiducial parameter, based29

on the observation of Cas A (Ahnen et al. 2017). We30

only consider fresh CRs since the CRs lose their ener-31

gies via adiabatic losses during the dynamical time (as32

well as via other energy-loss processes). A more quanti-33

tative treatment is possible by solving kinetic equations34

of protons, which is important only if the luminosity35

declines more rapidly than Ls / t

�1. Such an approxi-36

mation is often used in the context of GRBs (Mészáros37

2006; Murase 2008). Importantly, when the hadronic38

cooling of CR protons is dominant and its e↵ective time39

scale, tpp ⇡ (pp�ppnNc)�1, is shorter than the dynam-40

ical time, tdyn ⇡ Rs/Vs, the luminosity of secondary41

particles such as neutrinos and gamma-rays is limited42

by Lp (see Equation 5). The system is “calorimetric”43

and the energy conservation should not be violated.44

For a given set of parameters describing hydrody-
namics evolution of the parameters, we calculate en-
ergy densities of neutrinos, gamma-rays, and elec-
trons/positrons, by exploiting the following formulas:

ṅ

inj
E⌫

=
d�pp⇠⌫

dE⌫

cMcs

mHV

Z p
max

dp Ep
dnCRp

dp

ṅ

inj
E�

=
d�pp⇠�

dE�

cMcs

mHV

Z p
max

dp Ep
dnCRp

dp

ṅ

inj
Ee

=
d�pp⇠e

dEe

cMcs

mHV

Z p
max

dp Ep
dnCRp

dp

, (21)

where ⇠⌫ , ⇠⌫ , and ⇠e represent multiplicities of the secon-45

daries. As in Murase (2017), we use the di↵erential cross46

sections of pp interactions given by Kelner et al. (2006),47

and the total pp cross section is adjusted to the post-48

LHC formula by Kafexhiu et al. (2014). Here the volume49

of the emission region is approximated as V ⇡ (4⇡/3)R3
s.50

In the previous work, Murase et al. (2011), the sec-
ondary emissions were calculated ignoring e↵ects of elec-
tromagnetic cascades. In this work, using the code that
was previously developed in Murase (2017), we solve the

4 At su�ciently high energies, the wave damping due to neutral-
ion collisions in the upstream region can be relevant as in partially-
ionized shocks of SNRs (Murase et al. 2011), but GeV gamma-ray
emission would not be much a↵ected. Even the softening of CR
spectra may happen.
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well as via other energy-loss processes). A more quanti-33

tative treatment is possible by solving kinetic equations34

of protons, which is important only if the luminosity35

declines more rapidly than Ls / t

�1. Such an approxi-36

mation is often used in the context of GRBs (Mészáros37

2006; Murase 2008). Importantly, when the hadronic38

cooling of CR protons is dominant and its e↵ective time39

scale, tpp ⇡ (pp�ppnNc)�1, is shorter than the dynam-40

ical time, tdyn ⇡ Rs/Vs, the luminosity of secondary41

particles such as neutrinos and gamma-rays is limited42

by Lp (see Equation 5). The system is “calorimetric”43

and the energy conservation should not be violated.44

For a given set of parameters describing hydrody-
namics evolution of the parameters, we calculate en-
ergy densities of neutrinos, gamma-rays, and elec-
trons/positrons, by exploiting the following formulas:
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where ⇠⌫ , ⇠⌫ , and ⇠e represent multiplicities of the secon-45

daries. As in Murase (2017), we use the di↵erential cross46

sections of pp interactions given by Kelner et al. (2006),47

and the total pp cross section is adjusted to the post-48

LHC formula by Kafexhiu et al. (2014). Here the volume49

of the emission region is approximated as V ⇡ (4⇡/3)R3
s.50

In the previous work, Murase et al. (2011), the sec-
ondary emissions were calculated ignoring e↵ects of elec-
tromagnetic cascades. In this work, using the code that
was previously developed in Murase (2017), we solve the

4 At su�ciently high energies, the wave damping due to neutral-
ion collisions in the upstream region can be relevant as in partially-
ionized shocks of SNRs (Murase et al. 2011), but GeV gamma-ray
emission would not be much a↵ected. Even the softening of CR
spectra may happen.
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by Lp (see Equation 5). The system is “calorimetric”43

and the energy conservation should not be violated.44
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daries. As in Murase (2017), we use the di↵erential cross46

sections of pp interactions given by Kelner et al. (2006),47

and the total pp cross section is adjusted to the post-48

LHC formula by Kafexhiu et al. (2014). Here the volume49

of the emission region is approximated as V ⇡ (4⇡/3)R3
s.50

In the previous work, Murase et al. (2011), the sec-
ondary emissions were calculated ignoring e↵ects of elec-
tromagnetic cascades. In this work, using the code that
was previously developed in Murase (2017), we solve the

4 At su�ciently high energies, the wave damping due to neutral-
ion collisions in the upstream region can be relevant as in partially-
ionized shocks of SNRs (Murase et al. 2011), but GeV gamma-ray
emission would not be much a↵ected. Even the softening of CR
spectra may happen.
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described by power laws, which are assumed throughout4
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of the shock power is used for the radiation luminos-25
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We assume that the DSA works as in SNRs, and con-
sider a power-law form,
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and we consider sp = 2.2 as a fiducial case, which is
consistent with the GeV-TeV gamma-ray observation of
the young SNR, Cas A (e.g., Ahnen et al. 2017, and
references therein). The maximum momentum, pmax,

is determined by CR cooling processes such as pp in-
teractions, Bethe-Heitler pair production, and adiabatic
losses 4. The normalization of the CR ion spectrum is
determined by
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where Up ⇡ ✏pLs/(4⇡R2
sVs) is used. Throughout this28

work, we choose ✏p = 0.05 as a fiducial parameter, based29

on the observation of Cas A (Ahnen et al. 2017). We30

only consider fresh CRs since the CRs lose their ener-31

gies via adiabatic losses during the dynamical time (as32

well as via other energy-loss processes). A more quanti-33

tative treatment is possible by solving kinetic equations34

of protons, which is important only if the luminosity35

declines more rapidly than Ls / t

�1. Such an approxi-36

mation is often used in the context of GRBs (Mészáros37

2006; Murase 2008). Importantly, when the hadronic38

cooling of CR protons is dominant and its e↵ective time39

scale, tpp ⇡ (pp�ppnNc)�1, is shorter than the dynam-40

ical time, tdyn ⇡ Rs/Vs, the luminosity of secondary41

particles such as neutrinos and gamma-rays is limited42

by Lp (see Equation 5). The system is “calorimetric”43

and the energy conservation should not be violated.44

For a given set of parameters describing hydrody-
namics evolution of the parameters, we calculate en-
ergy densities of neutrinos, gamma-rays, and elec-
trons/positrons, by exploiting the following formulas:
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where ⇠⌫ , ⇠⌫ , and ⇠e represent multiplicities of the secon-45

daries. As in Murase (2017), we use the di↵erential cross46

sections of pp interactions given by Kelner et al. (2006),47

and the total pp cross section is adjusted to the post-48

LHC formula by Kafexhiu et al. (2014). Here the volume49

of the emission region is approximated as V ⇡ (4⇡/3)R3
s.50

In the previous work, Murase et al. (2011), the sec-
ondary emissions were calculated ignoring e↵ects of elec-
tromagnetic cascades. In this work, using the code that
was previously developed in Murase (2017), we solve the

4 At su�ciently high energies, the wave damping due to neutral-
ion collisions in the upstream region can be relevant as in partially-
ionized shocks of SNRs (Murase et al. 2011), but GeV gamma-ray
emission would not be much a↵ected. Even the softening of CR
spectra may happen.
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LHC formula by Kafexhiu et al. (2014). Here the volume49

of the emission region is approximated as V ⇡ (4⇡/3)R3
s.50

In the previous work, Murase et al. (2011), the sec-
ondary emissions were calculated ignoring e↵ects of elec-
tromagnetic cascades. In this work, using the code that
was previously developed in Murase (2017), we solve the

4 At su�ciently high energies, the wave damping due to neutral-
ion collisions in the upstream region can be relevant as in partially-
ionized shocks of SNRs (Murase et al. 2011), but GeV gamma-ray
emission would not be much a↵ected. Even the softening of CR
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s (~2), ep (~0.1), ee (~10-4-10-3) and eB (~10-3-10-2)

(emission zone) 2-photon annihilation, Compton, Coulomb cooling, 
bremsstrahlung, synchrotron, synchrotron self-absorption
(preshock CSM) Bethe-Heitler, Compton, free-free, Razin, 2-photon annihilation

power-law spectra

electromagnetic cascades are included



Gamma-Ray Emission
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Gamma-Ray Search

• Fermi pass-8 data
• binned likelihood analysis
• D ln L: log-likelihood ratio

KM, Franckowiak, Maeda, Margutti & Beacom



Model Limits for SN 2010jl

Interesting limits: ep<0.05-0.1 (w. weak dependence on CR index) 
brighter SNe or more SN samples or improved sensitivity
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Gamma-Ray Detection Prospects

• Single SN: detectable up to ~10-50 Mpc
• Statistical approaches should also be powerful

-11

-10

-9

-8

-7

-6

-5

-4

0.01 0.1 1 10 100

log
(E

F E
[G

eV
 cm

-2
s-1

])

d [Mpc]

2010jl-like (1 GeV)
2010jl-like (30 GeV)
2014C-like (1 GeV)    
2014C-like (1 TeV)

CTA (30 GeV)

CTA (1 TeV)

Fermi (1 GeV)



Gamma Rays: Fermi-LAT Stacking Search

• 0.1-300 GeV
• 147 IIn samples

(PTF in 2008-2012)
• Time windows

1 month, 3 month, 1 yr
• Highest TS=14.4 (10bt)
• comparable upper limits

windows T 1D = year, T 6D = months, and T 3D = months
for all SNe listed in Table 1.
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APPENDIX A
SN CATALOG

The following table contains all SNe included in this
analysis. The column definition is similar to Table 1.

Name
R.

A. (°)å
Decl.
(° )å Date z m

TS (p-
value)

SN 2008gm 348.55 −2.78 2008
Oct 22†

0.012 17.00‡ 3.2
(0.169)

CSS081201_103354–032125 158.47 −3.36 2008
Dec 01‡

0.060 18.30‡ 0.0
(0.572)

CSS080701_234413 +
075224

356.05 7.87 2008
Dec
30

0.069 18.50 0.0
(0.572)

SN 2008ja
SN 2008ip 194.46 36.38 2008

Dec 31†
0.015 15.70‡ 0.0

(0.572)
SN 2009au 194.94 −29.60 2009

Mar 11†
0.009 16.40‡ 0.0

(0.572)
CSS080928_160837 +

041626
242.16 4.27 2009

Mar
21

0.041 17.60 0.3
(0.458)

SN 2008iy
SN 2009cw 226.26 48.67 2009

Mar 28†
0.150 20.30‡ 0.0

(0.572)
SN 2009eo 224.53 2.43 2009

May
13†

0.044 18.10‡ 0.0
(0.572)

SN 2009fs 274.80 42.81 2009
Jun 01†

0.054 17.00‡ 3.5
(0.154)

PTF 09ij 218.06 54.86 2009
Jun 03

0.124 20.30 0.0
(0.572)

PTF 09ge 224.26 49.61 2009
Jun 06

0.064 17.90 3.3
(0.165)

PTF 09tm 206.73 61.55 2009
Jun 25

0.034 16.80 0.0
(0.572)

PTF 09uj 215.05 53.56 2009
Jun 26

0.066 18.20 0.0
(0.572)

PTF 09uy 190.98 74.69 0.313 19.40

(Continued)

Name
R.

A. (°)å
Decl.
(° )å Date z m

TS (p-
value)

2009
Jul 03

0.0
(0.572)

PTF 09bcl 271.61 17.86 2009
Jul 19†

0.062 20.87‡ 0.0
(0.572)

PTF 10ujc 353.63 22.35 2009
Aug 05

0.032 16.20 0.0
(0.572)

PTF 09drs 226.63 60.59 2009
Aug 15

0.045 18.50 0.0
(0.561)

CSS090925_001259 +
144121

3.25 14.69 2009
Sep 25†

0.090 18.80‡ 0.0
(0.568)

SN 2009ma 127.24 0.59 2009
Oct 17†

0.089 18.20‡ 0.0
(0.572)

CSS091018_091109 +
195945

137.79 20.00 2009
Oct
18†

0.150 19.00‡ 0.0
(0.572)

SN 2009mb
SN 2009kn 122.43 −17.75 2009

Oct 26†
0.016 16.60‡ 0.0

(0.572)
SN 2009kr 78.01 −15.70 2009

Nov
06†

0.006 16.00‡ 4.7
(0.104)

SN 2009nm 151.35 51.28 2009
Nov
20†

0.210 18.80‡ 0.0
(0.572)

CSS091217_110637 +
341952

166.65 34.33 2009
Dec
17†

? 18.70‡ 0.0
(0.572)

SN 2009nj
CSS091218_104011 +

223735
160.05 22.63 2009

Dec
18†

0.140 19.40‡ 0.0
(0.572)

SN 2009nw
PTF 10dk 77.09 0.21 2009

Dec 18†
0.074 20.14‡ 0.0

(0.572)
PTF 10u 152.49 46.01 2010

Jan 05
0.150 19.80 0.0

(0.572)
PTF 11ner 125.58 72.83 2010

Jan 11†
0.117 20.94‡ 0.0

(0.572)
PTF 10ts 188.49 13.92 2010

Jan
12

0.046 17.66 7.9
(0.033)SN 2009nn

CSS100113_032138 +
263650

50.41 26.61 2010
Jan
13†

0.060 18.80‡ 0.1
(0.517)

SN 2010M
PTF 10cwl 189.09 7.79 0.085 19.00‡

Figure 9. Left: 95% CL upper limit on the γ-ray luminosity as a function of the proton spectral index based on the results obtained from the joint likelihood analysis
with d1 2 weighting shown in blue compared to the limit obtained from the closest single source SN 2011ht in green. Right: 95% CL upper limit on the ratio of γ-ray
and optical luminosity L LRg as a function of pG assuming a proportionality between optical and γ-ray flux shown in blue compared to the limit obtained from a single
source analysis of SN 2010jl considering a one year time window (in green). The results of the analysis with an extended time window of 4.5 years for SN 2010jl are
shown in dashed green.
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Radio Emission from Interacting SNe?
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Fig. 7 8GHz radio spectral luminosity of some of the well observed SNe IIn (Chan-
dra et al. to be submitted). Here circles are detections. The lines indicates upper
limits at observations at many epochs. Single triangles indicate upper limits at
individual epoch.

e.g. SN 1986J, SN 1988Z and SN 1978K were observed years after their
explosions. Most of the SNe IIn discovered soon after the explosion, did
not have early radio observations within a month, except for SN 2009ip
(Margutti et al 2014). SN 2009ip was detected in radio bands early on but
faded below detection within a few tens of days. However, SN 2009ip was
a peculiar SN with a poorly understood explosion mechanism. In contrast,
the observations of SN 2010jl started by day 45 but the first detection
happened only after 500 days (Chandra et al 2015), clearly showcasing the
e�cient absorption of radio emission for a long period.

In addition to high absorption, observational biases could also be par-
tially responsible. The late radio turn on may also explain the observed
overall low detection rates of SNe IIn. If a SN is not bright in radio bands
in a first few epochs, the observational campaign for that SN is usually over.
So even if a SN IIn was a potential radio emitter at later epochs, it would
be missed in radio bands. To understand this observational bias, van Dyk
et al (1996) observed 10 SNe IIn at an age of a few hundred days and still
did not detect any; they set upper limits of 150 � 250 µJy. However, the
current telescopes are able to reach at least an order of magnitude better
sensitivity. In addition, the current upgraded VLA is extremely sensitive at
higher frequencies where the radio absorption e↵ects vanish much sooner
(⌧⌫ / ⌫�2). Strategic study of SNe IIn at higher frequencies at early times
to low frequencies at late epochs is likely to result in the most complete
sample of radio supernovae (Perez-Torres et al 2015, Wang et al 2015).

Chandra SSRv 18



Secondary Emission as a Probe of CR Ion Acc.

secondary synchrotron emission

overwhelming primary e 
for Kep~ep/ee~0.001-0.01

radio & submm. obs. at ~100 GHz is promising 

π ± →νµ +νµ + νe (νe ) + e
±

6 K. Murase et al.

In the Bohm limit, the proton acceleration time-scale is es-
timated to be (see a review Drury 1983)

tp−acc =
20
3

c2

V 2
s

Ep

eBc
(20)

≃ 0.67 s ε−1/2
B,−2D

−1/2
∗ R16

× (Vs/5000 km s−1)
−3

(Ep/GeV),

and the proton maximum energy is estimated by com-
paring it to various cooling time-scales (see below). In
the fully-ionized plasma (that is the case in the vicinity
of the shock), the Coulomb cooling time of thermal pro-
tons (Shlickeiser 2002),

tp−C ≈ (mpc2/GeV)

3.1× 10−16ne

8.3 × 10−9T 3/2
e,4 + β3

p

2

∼ 2.4× 101 s µ−1
e D−1

∗ R2
16(Vs/5000 km s−1)

3
, (21)

where βp ∼ Vs/c is assumed but the velocity of injected
protons may be higher, depending on details of injection
processes. The ratio between the two is tp−acc/tp−C ∼
2.8 × 10−2µeε

−1/2
B,−2D

1/2
∗ R−1

16 (Vs/5000 km s−1)
−6

(Ep/GeV)
when the upstream is cold enough. Hence, the Coulomb en-
ergy loss time-scale is longer than their acceleration time, so
CR proton acceleration is possible. Note that the Coulomb
cooling is much less relevant in the immediate downstream,
where the temperature is much higher.

As protons are accelerated above the pion production
threshold, γp > 1.37, inelastic pp interactions occur, leading
to production of electrons and positrons via π± → νµ +
ν̄µ + νe(ν̄e) + e±. Their minimum injection Lorentz factor
is (Dermer 1986)

γh ≈ 1
4
mπ

me
∼ 68. (22)

The important point here is that the minimum injection
Lorentz factor is unique for hadronic injections, which is
different from the case of primary electron acceleration.

Primary electrons can also be shock accelerated via the
Fermi acceleration mechanism. However, the Larmor radius
of thermal electrons is smaller than that of thermal protons.
Thus, electrons need to be energized via some plasma pro-
cesses to cross the shock length and to get injected to the
Fermi acceleration process. In other words, the Larmor ra-
dius of relativistic electrons, γemec

2/(eB), should be larger
than that of thermal protons, ∼ cmpVs/(eB). The Lorentz
factor of elections that can be accelerated by the conven-
tional shock acceleration mechanism satisfies

γe ∼>
mp

me

Vs

c
≃ 31 (Vs/5000 km s−1). (23)

Keeping this in mind and introducing the energy fraction
(ϵe) and number fraction (fe) of relativistic electrons dis-
tributed with a power law, the injection Lorentz factor of
primary shock-accelerated electrons (γl) is expressed as

γl ≈ gqe
ϵe
fe

mp

me

V 2
s

2c2

≃ 5.1 ϵe,−3f
−1
e,−5(gqe/0.2)(Vs/5000 km s−1)

2
, (24)

where gqe = 1/ ln(γM
e /γl) for qe = 2 and gqe = (qe −

2)/(qe − 1) for qe > 2. Here, qe is the injection spec-
tral index of accelerated electrons and γM

e is the max-
imum Lorentz factor of accelerated electrons. Note that
equation (24) is obtained from

∫

dγe(dNe/dγe) = feNp

and
∫

dγe(γemec
2)(dNe/dγe) = ϵeNpmpV

2
s /2. The values

of ϵe and fe are uncertain. The CR spectra observed at
the Earth imply ϵe ∼ 10−3 − 10−2, and such values are
inferred from modelling of radio emission from Type IIb
SNe (e.g., Maeda 2012). Smaller values of ϵe ∼ 10−4 are ob-
tained in the leptonic scenario for young SN remnants (e.g.,
Katz & Waxman 2008). Sufficiently large values of fe imply
γl ∼< (mp/me)(Vs/c), where other electron acceleration pro-
cesses in the shock transition layer should be relevant, and
the spectrum for γl ∼< γe ∼< (mp/me)(Vs/c) may be steeper
than that for γe ∼> (mp/me)(Vs/c).

The energy carried by accelerated CRs can be summa-
rized as follows. The CR acceleration is efficient only af-
ter the radiation escapes from the system and the strong
shock jump is formed by collisionless shocks. Hence, if
min[Rdec, Rw] < Rbo, we do not expect many CRs. Nor-
mal SNe correspond to Rbo < Rw < Rdec, so only a frac-
tion of the SN explosion energy Eej is converted to CRs
at the time the shock reaches Rw. If the CSM is massive
and Rbo < Rdec < Rw (thus τT (Rdec) < c/Vs), we expect
Ed ≈ Eej, so a significant fraction of the SN explosion energy
can be converted into the energy of CRs. The energy of ac-
celerated CR protons in interaction-powered SNe (E ipsn

CRp) is
roughly estimated to be

E ipsn
CRp =

⎧

⎨

⎩

ϵpEd ≈ ϵpEej, (Rbo < Rdec < Rw)
ϵpEd ≈ ϵp(Mcs/Mej)Eej (Rbo < Rw < Rdec)
≪ Eej (min[Rdec, Rw] < Rbo)

(25)
Here equation (3) is used. Note that, for Rw < Rdec (i.e.,
Mcs < Mej), only the fraction of the SN explosion energy
can be dissipated by one collision. Also, ϵp is the energy
fraction carried by CRs above mpc2, and ϵp ∼ 0.1 − 0.3 is
typically used in the context of SN remnants.

2.5 Fate of cosmic rays: hadronuclear reactions

When particles are accelerated up to very high ener-
gies, high-energy gamma rays and neutrinos should be ac-
companied via hadronuclear interactions like the pp re-
action. In particular, CR protons interact with nucleons
while they are advected to the downstream, so neutri-
nos and pionic gamma rays are expected in the GeV-PeV
range (Murase et al. 2011). By comparing the pp interac-
tion time-scale (nNσppc)

−1 and tdyn, we get the pp optical
depth as

τpp ≈ σppncsR(c/Vs) ≃ 5.4 D∗R
−1
16 (Vs/5000 km s−1)

−1
,

(26)
where σpp ≈ 3 × 10−26 cm2 is used. From Figures 2 and
3, one sees large parameter space satisfying τT ∼< c/Vs and
τpp ∼> 1, where neutrinos and gamma rays provide promis-
ing signals of CR proton acceleration at collisionless shocks.
Even if τpp ∼< 0.1, we can say that a significant fraction of
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keep in mind that the higher-velocity ejecta is more ef-
ficiently dissipated, which enhances the detectability of
high-energy emission compared to the simplest model.
While � = 10 (for a convective envelope) and � = 12 (for
a radiative envelope) are often assumed (Matzner & Mc-
Kee 1999), realistic values of � are uncertain for Type
IIn SNe since it is a↵ected by pre-SN mass losses and
the CSM may experience prior interactions (van Marle
et al. 2010). Note that smaller values of � are also indi-
cated for trans-relativistic SNe that are associated with
low-luminosity GRBs (Margutti et al. 2014b).
We consider a SN shock that propagates in the CSM.

For simplicity 3, we assume a CSM density profile of

%cs(R) = DR

�w
, (1)

where w = 2 corresponds to the wind profile. The target
nucleon density is given by

nN =
D
mH

R

�w ⌘ D

mHR

2
0

✓
R

R0

◆�w

' 1.8⇥ 109 cm�3
D⇤R

w�2
0,15 R

�w
15 , (2)

where D⇤ = D/(3⇥1015 g cm�1) and R0 is an arbitrary
radius characterizing the CSM radius.
As noted, a faster component of the ejecta is deceler-

ated earlier, and the kinetic luminosity that can be used
for dissipation at the forward shock is,

Ls = 2⇡%csR
2
sV

3
s ' 2.4⇥ 1042 erg s�1

D⇤R
w�2
0,15

⇥R

2�w
s,15 (Vs/5000 km s�1)

3
, (3)

where Rs is the shock radius and Vs is the shock ve-
locity, respectively. The bolometric, thermal radiation
luminosity (used for thermal SN emission in the optical
and/or X-ray bands) is expressed as Lrad = ✏radLs.
The neutrino and gamma-ray emission is governed by

the e↵ective optical depth of inelastic pp interactions,
fpp, which is estimated to be

fpp⇡pp�ppcnN (Rs/Vs)

' 1.6 D⇤R
w�2
0,15 R

1�w
s,15 (Vs/5000 km s�1)

�1
, (4)

where �pp ⇡ 3⇥ 10�26 cm2 is the inelastic pp cross sec-
tion and pp ⇡ 0.5 is the proton inelasticity, respectively.
Here we have used fpp ⇡ pp�ppc(rscnN )(�Rs/Vs) =
pp�ppcnN (Rs/Vs), where rsc is the shock compression
ratio and �Rs ⇡ Rs/rsc. Since the CR energy density
in the post-shock region is estimated to be ✏p%csV

2
s /2 =

✏pLs/(4⇡R2
sVs), for example, the gamma-ray luminosity

3 The CSM profile may not be a simple power law, and the shell-
like structure has often been observed (e.g., Margutti et al. 2017).
In general, we may not apply self-similar solutions to describe the
shock dynamics.

is given by

L� ⇡
1

3
min


Mcs(< R)

mH
pp�ppc

✏pLs

4⇡R2
sVs

, ✏pLs

�

⇡ 1

3
min[fpp, 1]✏pLs, (5)

where ✏p is the proton acceleration e�ciency that is ⇠
0.1 in the DSA theory for quasi-parallel shocks (Caprioli
& Spitkovsky 2014a). Such a value is also motivated by
the hypothesis that interacting SNe are responsible for
the observed CR flux around the knee energy (Murase
et al. 2014; Sveshnikova 2003).
The principal parameters are CSM nucleon density

nN , shock radius Rs, and shock velocity Vs, as explained
in Murase et al. (2011). The di↵erential gamma-ray lu-
minosity is estimated to be

E�LE� ⇡
1

3
min[fpp, 1]EpLEp

' 7.9⇥ 1040 erg s�1 min[fpp, 1]

⇥
✓

E�

0.1mpc
2

◆2�sp

✏p,�1R�1
p0,1

⇥D⇤R
w�2
0,15 R

2�w
s,15 (Vs/5000 km s�1)

3
, (6)

where sp is the proton spectral index and Rp0 ⇠ 5� 10
is the normalization factor that is given by

EpLEp ⌘ Ep
dLp

dEp
=

✏pLs

Rp0

✓
Ep

mpc
2

◆2�sp

. (7)

In this work, we parameterize the magnetic field by
UB ⌘ ✏B(⇢csV 2

s /2) (where UB is the magnetic energy
density), which leads to

B=(✏B4⇡%csV
2
s )

1/2

' 9.7 G ✏

1/2
B,�2D

1/2
⇤ R

w/2�1
0,15 R

�w/2
s,15 (Vs/5000 km s�1),(8)

where ✏B ⇠ 0.001 � 0.01 is assumed (Caprioli &
Spitkovsky 2014b). Note that the significant amplifi-
cation of an upstream magnetic field is required, which
could be realized by CRs themselves via streaming in-
stabilities. Or, the CSM could also be highly turbulent
and magnetized, since the violent CSM eruptions may
also be accompanied by shocks (Murase et al. 2014).
Secondary electrons and positrons lose their energies

via synchrotron cooling, and their characteristic fre-
quency is estimated to be

⌫h =
3

4⇡

✓
m⇡

4me

◆2
eB

mec
' 190 GHz "

1/2
B,�2D

1/2
⇤ R

w/2�1
0,15

⇥R

�w/2
s,15 (Vs/5000 km s�1). (9)

Assuming the fast cooling (i.e. electrons at the injection
frequency cool within the dynamical time), the resulting
synchrotron luminosity from CR-induced electrons and
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where ✏B ⇠ 0.001 � 0.01 is assumed (Caprioli &
Spitkovsky 2014b). Note that the significant amplifi-
cation of an upstream magnetic field is required, which
could be realized by CRs themselves via streaming in-
stabilities. Or, the CSM could also be highly turbulent
and magnetized, since the violent CSM eruptions may
also be accompanied by shocks (Murase et al. 2014).
Secondary electrons and positrons lose their energies

via synchrotron cooling, and their characteristic fre-
quency is estimated to be
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Assuming the fast cooling (i.e. electrons at the injection
frequency cool within the dynamical time), the resulting
synchrotron luminosity from CR-induced electrons and

hard spectrum
(typically) fast cooling

n(2-s)/2
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Note that the conventional DSA may not be ap-1

plied for electrons with lower Lorentz factors. It2

has been suggested that observations of SNe IIb and3

SNe IIn will enable us to probe electron accelera-4

tion in the shock transition layer (Maeda 2012, 2013;5

Murase et al. 2014). For a low-energy component of6

non-thermal electrons, the injection Lorentz factor is7

given by �l1 = [1 + (pl1,inj/mec)
2]

1/2
, where pl1,inj =8

(ge✏empc/2fe)(Vs/c)
2, where ge = (qe � 2)/(qe � 1) for9

a low-energy spectral index, qe > 2. The steady-state10

index of electrons can be ⇠ 3 due to radiative energy11

losses, in which qe ⇠ se is possible (Chevalier et al.12

2006). Or, perhaps, qe > se (implying ✏e > ✏̃e) could be13

realized by other processes such as the shock-drift accel-14

eration mechanism at quasi-perpendicular shocks (e.g.,15

Matsumoto et al. 2017).16

The high-frequency synchrotron luminosity (at ⌫ >

⌫l2) in the fast cooling case is

⌫L

l2
⌫ ⇡ 1

2(1 + Y )
EeLEe

' 2.0⇥ 1038 erg s�1 (1 + Y )�1
✓

⌫

⌫l2

◆ 2�se
2

✏̃e,�4R�1
e0,1

⇥D⇤R
w�2
0,15 R

2�w
s,15 (Vs/5000 km s�1)

3
fesc. (13)

Thus, the leptonic origin of radio emission predicts:

E�FE�

⌫F

l2
⌫

⇡ 2✏p
3✏̃e

Re0

Rp0

✓
E�

0.1mpc
2

◆2�sp✓
⌫

⌫l2

◆ se�2

2

min[fpp, 1]

⇠ 400

✓
E�

1 GeV

◆2�sp⇣
⌫

100 GHz

⌘ se�2

2

(10�3
✏p/✏̃e)

⇥ (Re0/Rp0)✏
2�se

4

B,�2D
2�se

4⇤ R

(w�2)(2�se)

4

0,15 R

w(se�2)

4

s,15

⇥ (Vs/5000 km s�1)
3(2�se)

2 min[fpp, 1]f
�1
esc , (14)

where Y ⌧ 1 is assumed. The ratio depends on Rs17

and Vs di↵erently from that in the hadronic scenario, so18

the time-dependence of the gamma-ray to radio fluxes is19

relevant to discriminate between the hadronic and lep-20

tonic models. So far, we have ignored various processes21

that can suppress the radio emission. More generally,22

low-frequency emission is a↵ected by various e↵ects such23

as synchrotron self-absorption, free-free absorption, and24

Coulomb cooling, which will be included in our numeri-25

cal calculations.26

In Type IIn SNe, ✏p � ✏̃e allows us to expect that both
gamma-ray emission and high-frequency radio emission
are dominated by the hadronic component. In the
high-frequency limit (i.e. ⌫ > ⌫h, ⌫l2), in which either
hadronic or leptonic model predicts the same spectrum,
⌫F⌫ / ⌫

2�↵, the condition for the secondary emission
to overwhelm the primary component is written:

min[1, fpp]
✏p,�1

✏̃e,�4

✓
⌫l2

⌫h

◆2�↵

⇠> 6⇥ 10�3
, (15)

where Rp0 = Re0 and sp = se are assumed, and ↵ =27

1 + s/2 is the high-energy synchrotron photon index4.28

2.2. Phenomenological Model29

In cases of well-observed Type IIn SNe such as SN30

2010jl, parameters on SN dynamics can be determined31

by the observational data of (mostly) thermal emission32

from the SNe. We here focus on the forward shock emis-33

sion (see Chevalier & Fransson 2016; Murase et al. 2011,34

for a discussion on the reverse shock emissions), and35

consider a single radiation zone with the size Rs. In36

a time-dependent model, we need to know three quan-37

tities, %cs, Rs, and Vs as a function of time t. If all38

three quantities are described by power laws, which are39

assumed throughout this work for simplicity, one needs40

five parameters, D, w, R0, t0, and the temporal index a41

to describe the SN dynamics. Here, just for convenience,42

we take R0 = Rbo and t0 = tbo, where Rbo is the pho-43

ton breakout radius and tbo is the breakout time. Our44

formalism enables us to predict non-thermal fluxes from45

the observational data only with a few free parameters46

such as ✏p and sp.47

The CSM density given by equation (1) can be re-
written:

%cs(R) = DR

�2
bo

✓
R

Rbo

◆�w

, (16)

where R0 = Rbo is used. The CSM nucleon density is48

given by nN = %cs/mH .49

Assuming a power-law evolution, the shock radius and
velocity are parameterized as

Rs = Rbo

✓
t

tbo

◆a

(17)

and

Vs = Vbo

✓
t

tbo

◆a�1

, (18)

where Vbo = aRbo/tbo. Note that Rs and Vs are deter-50

mined by the observational data. If the self-similar solu-51

tion for a spherical CSM is adopted, the index a is explic-52

itly given by a = (��3)/(��w), where � ⇠ 7�12 is the53

index of the outer ejecta profile, %ej / t

�3(r/t)�� (e.g.,54

Matzner & McKee 1999).55

The shock power is calculated as

Ls =

✓
�⌦

2

◆
DV

3
bo

✓
t

tbo

◆5a�3�aw

/ t

�↵
, (19)

where ↵ = 3 � a(5 � w). If we assume the self-similar56

solution, which is valid until the deceleration of the inner57

ejecta starts, we obtain ↵ = [(� � 3)(w � 2) + 3(3 �58

w)]/(� �w) (e.g., Moriya et al. 2013; Ofek et al. 2014b;59

4 We note that Murase et al. (2014) used ✏e = 10�4 in Eqs. (58)
and (59) and q should be the photon index there.
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Figure 6. Radio light curves (thick solid lines) calculated at 1000 GHz,
100 GHz, and 10 GHz (from top to bottom) for the cases presented in
Fig. 5. Black and red colored lines correspond to ✏B = 10�2 and ✏B = 10�4,
respectively. Di↵erent types of lines show the contribution of primary and
secondary electrons to the total synchrotron emission, as indicated in the
legend. All other parameters used are listed in Table 1.

emission is demonstrated by a change in the decay slope of the light
curve at 1000 GHz and 100 GHz. Moreover, the time of the tran-
sition does not depend on ✏B. All these features are in agreement
with our analytical predictions in Sect. 5.2 and Sect. 5.3.

The power-law decay indices, whenever these can be defined,
of the primary and secondary synchrotron fluxes are listed in Ta-
ble 2. These should be compared to the analytical predictions for
↵ = 0, namely �1 = 0 and �2 = 1 (�1 = 0.5 and �2 = 1.5, re-
spectively) for ⌫ > ⌫c (⌫ < ⌫c, respectively). Indeed, for ✏B = 10�2

we find that the numerically derived indices are closer to the val-

Table 2. Power-law decay index of the primary and secondary synchrotron
light curves as determined numerically for ↵ = 0 and two values of ✏B. All
other parameters are the same as in Fig. 5 and Fig. 6. For reference, the
analytically derived values for ⌫ > ⌫c (⌫ < ⌫c) are �1 = 0 and �2 = 1
(�1 = 0.5, �2 = 1.5).

aaaaaaa⌫ (GHz)
✏B 10�2 10�4

�1 �2 �1 �2
1000 0.1 1.0 0.3 1.1
100 0.2 0.9 0.4 1.3
10 0.3 1.0 0.4 1.3

ues given by eqs. (88) and (89), while �1,2 approach the asymptotic
values 0.5 and 1.5, respectively, for ✏B = 10�4. Small deviations
from the analytical predictions are expected, since these are valid
asymptotically, i.e. the distribution of electrons radiating at a given
radio frequency should be described as ��s or ��s�1.

6.2 The role of Aw

To exemplify the role of the mass loading parameter we calculated
the 10 GHz radio light curves for the default case of a wind-type
CSM (w = 2) and a constant shock velocity (↵ = 0). The results for
Aw ranging between 1015 gr cm�1 and 1017 gr cm�1 are presented
in Fig. 7. The light curves of the primary (dashed-dotted lines) and
secondary (dashed lines) synchrotron emission at the chosen fre-
quency are also shown. The calculations have been performed up
to deceleration radius, which increases for lower values of Aw (see
eq. (7)). Both the peak synchrotron luminosity and peak time in-
crease for higher Aw values. The latter is the result of a higher
free-free absorption frequency due to the denser CSM. This also
leads to a higher magnetic field strength and a higher particle injec-
tion rate, which explains the increase of the peak luminosity. As Aw

increases, the contribution of secondary electrons to the observed
emission becomes larger, since the dependence of the secondary in-
jection rate Q(pp)

e on the CSM density is stronger (see e.g. eqs. (15),
(19) and (38)).

6.3 The role of �0

The shock-breakout velocity �0 may be indirectly inferred from the
optical light curves (rise time and peak luminosity) of interaction-
powered SNe (e.g. Ofek et al. 2014b). As typical values lie in the
range 5 ⇥ 103 � 104 km s�1 (Ofek et al. 2014a), we have so far pre-
sented results for �0 = 0.03c (9⇥103 km s�1). Here, we demonstrate
the e↵ects of the shock velocity at breakout on the radio light curves
by adopting �0 = 0.1c (3 ⇥ 104 km s�1)14. As illustrated in Fig. 8,
higher shock velocities result in more luminous radio emission (see
also eqs. (93)-(96)). This can be understood as an increase of the
magnetic field strength and of the post-shock thermal energy den-
sity (see e.g. eq. (15)). Slower shocks, on the other hand, favour the
production of secondary electrons, in agreement with the analyti-
cal predictions (Sect. 2.2). The transition time between secondary-
dominated to primary-dominated synchrotron emission is strongly
dependent on the shock velocity; for �0 = 0.1c the transition oc-
curs at ⇠ 10 d, whereas secondaries dominate the 100 GHz radio
emission until 103 d for �0 = 0.03c.

14 Such fast shocks are often inferred for SNe associated with GRBs (e.g.
Soderberg et al. 2010; Margutti et al. 2013).
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Figure 11. Peak spectral radio luminosity versus the peak time at a fre-
quency ⌫ = ⌫↵ = 5 GHz and two values of the shock velocity �0 = 0.1c
and 0.03c. The colored symbols correspond to the analytical predictions
for cooled primary electrons (circles) and secondary electrons (triangles)
given by eqs. (93) and (94), respectively. Only the maximum of Lpk,⌫↵>⌫c

and L(pp)
pk,⌫↵>⌫c

is shown. The black solid line is the locus of points with

Lpk,⌫↵>⌫c = L(pp)
pk,⌫↵>⌫c

. For the analytical calculations, we considered a
wind-like CSM and a constant shock velocity. Color coding is used for the
mass loading parameter Aw, as indicated in the color bar at the top. Filled
and open black symbols denote measurements from radio SNe of various
types (data are from Kamble et al. 2015b): Ib/c, open circles; IIb, open
squares; IIn, filled diamonds; IIL, open triangles; and II (SN 1978K, 1981K
& 1982aa), open diamonds. Data for SN 1993J and 2013df are plotted as
stars.

The steep slope of the black solid line in Fig. 11 (that indi-
cates the locus where Lpk,⌫↵>⌫c = L(pp)

pk,⌫↵>⌫c
) implies a very strong de-

pendence of the peak luminosity at the transition time tpk,eq on tpk.
Assuming that ✏p and Te are known parameters and using eqs. (5),
(93), (83) and (98), it can be shown that

Lpk,eq / t6
pk,eq⌫

9K�8
ep . (103)

Interestingly, Lpk,eq depends only on a single parameter related to
the acceleration process, that is Kep. The determination of the lat-
ter could be, therefore, possible if Lpk,eq, tpk,eq and ⌫ were indepen-
dently inferred from the observations. For example, a flattening of
the light curve at ⌫ = ⌫pk by �� = 1 would denote tpk,eq, as illus-
trated in Figs. 6 and 10.

8 DISCUSSION

We have presented a semi-analytical model for calculating the tem-
poral evolution of primary and secondary particle distributions in
the post-shock region of a SN forward shock propagating in a dense
CSM. With the adopted formalism we were able to track the cool-
ing history of all particles, which have been injected into the emis-
sion region up to a given radius, and to calculate the respective
non-thermal radio emission. We have focused on the early phases

of the SN evolution (i.e., before the Sedov phase) by presenting ra-
dio spectra and light curves for times prior to the deceleration time.
The semi-analytical formalism can be, however, easily extended to
the Sedov phase by adopting the adequate power-law index for the
radial velocity profile. The light curves are expected to be steeper
than those presented here, while at these later times, observations
will probe the primary electron distribution.

So far, we have not discussed the origin of the magnetic field
in the post-shock region of the SN shock. As the magnetic field
of the unshocked progenitor wind is expected to be weak15, mag-
netic field amplification is required for the particle acceleration.
Non-resonant two-stream instabilities driven by cosmic-ray protons
propagating ahead of the shock have been proposed as the amplifi-
cation process (e.g. Bell & Lucek 2001; Bell 2004, 2005; Caprioli
& Spitkovsky 2014b; Cardillo et al. 2015). We caution, however,
that if the large-scale magnetic field of the unshocked CSM is pref-
erentially toroidal, the resulting shock will be quasi-perpendicular
(i.e., with the magnetic field perpendicular to the shock normal),
and particle acceleration will be ine�cient. Thus, the relevant as-
sumption is that the unshocked CSM field is weak or radial (e.g.
Sironi et al. 2013; Caprioli & Spitkovsky 2014a), which may be,
however, questionable.

We have mostly focused on the case of a SN shock expand-
ing in a smooth progenitor wind. However, our calculations are ap-
plicable to a generic CSM density profile. The environment of the
progenitor star does not always have a smooth density profile. Den-
sity enhancements in the CSM may occur due to various reasons,
such as variable stellar winds and interactions with the companion
star, in case of a binary system. Interaction of the shock wave with
such density enhancements would result in radio light curves ex-
hibiting sudden and abrupt enhancements in (or dimming of) their
brightness. Indeed, several radio SNe have been observed to show
such features as early as a few weeks to as late as several months.
Some examples of extreme variability include SN 1996cr (Bauer
et al. 2008; Meunier et al. 2013), 2001em (Schinzel et al. 2009),
2003gk, 2004cc, 2004dk, 2004gq (Wellons et al. 2012), 2007bg
(Salas et al. 2013), PTF11qcj (Corsi et al. 2014) and SN 2014C
(Kamble et al. 2014b). Depending on the width and the mass of
the intervening shell, the interaction of the shock wave with the
shell could complicate the dynamics of the interaction (Chevalier
& Liang 1989; Dwarkadas 2005, 2007; Chugai & Chevalier 2006;
Pan et al. 2013). Provided that the shock velocity can still be ap-
proximated as a power-law in radius and that the emission from the
reverse shock is negligible, our formalism may still be employed to
assess the radio synchrotron emission resulting from the interaction
of the SN shock with a dense shell of uniform density.

Currently, the modelling of radio SNe involves the emission
from primary electrons that are accelerated in the vicinity of the
SN shock. We explicitly showed that secondary electrons may
contribute significantly to the observed radio synchrotron emis-
sion, with their contribution becoming more important at higher
radio frequencies (i.e. & 10 � 100 GHz), for denser CSM (e.g.
Aw & 1016 gr cm�1) and lower shock velocities (e.g. �0 . 104 km
s�1). As the radio brightness of the SN shock depends mainly on
its radius and the number of radiating electrons, the inclusion of
secondary electrons in the emission process could result in dif-
ferent estimates of the physical parameters, such as the mass-loss

15 Assuming magnetic flux-freezing, the magnetic field strength at a radius
r, is estimated to be B = 10�3 B?,1

�
r?,11/r13

�2 G, where B? is the strength
on the stellar surface (e.g. Barvainis et al. 1987) and r? is the stellar radius.
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in the fast cooling case is

νF l
ν ≈ 1

4πd2
1
2
E2

e
dNe

dEedt

∼ 1.6× 10−15 erg cm−2 s−1

!

ν
νl

"2−qe

ϵe,−3

× D∗,−1(Vs/5000 km s−1)
3R−1

e0,1(d/10 Mpc)−2,(58)

where qe is the electron spectral index and we expect
F l
ν ∼ 0.002 Jy (d/10 Mpc)−2 ν−1

11 for qe ∼ 2. Note
that qe may naturally be different from values expected
in the conventional diffuse shock acceleration theory at

∼< 2.1 × 1010 Hz ε1/2B,−2D
1/2
∗,−1R

−1
16 (Vs/5000 km s−1)

3
, corre-

sponding to electrons with γe ∼< (mp/me)(Vs/c), and steep
indices of qe ∼ 3 are indeed indicated in non-relativistic ra-
dio SNe. The synchrotron signal from primary electrons is
also detectable by current radio telescopes and mm/submm
facilities including ALMA if secondary electrons are sub-
dominant. For a given ν, the secondary electronic emission
dominates over the primary electronic emission when

min[10, fpp,−1]
ϵp,−1

ϵe,−3

!

νl
νh

"2−q

∼> 0.06, (59)

where the fast cooling regime is assumed for qp = qe = q.
Hence, we expect that secondaries are typically more im-
portant for high-frequency radio emission from interaction-
powered SNe.

However, detecting radio signals may suffer from scat-
tering and various absorption processes. First, if τT ∼> a few,
the synchrotron emission can be modified by Comptoniza-
tion due to thermal electrons. In particular, thermal elec-
trons in the hot downstream may up-scatter low-energy
photons. The condition that the Comptonization does not
change the synchrotron spectrum is roughly given by yNR ≈
(4kTe/mec2)max[τT , τ 2

T ] ∼< 1, so we focus on ejecta-CSM col-

lisions satisfying D∗,−1 ∼< 19T−1/2
e,8 µeR16. In addition, there

are three important absorption processes that can hinder
observations at the radio band, Razin-Tsytovich (RT) sup-
pression, synchrotron self-absorption (SSA) and free-free ab-
sorption. We discuss these suppression and absorption pro-
cesses below.

4.1 Razin-Tsytovich suppression

Synchrotron emission in a plasma is different from that in a
vacuum. When a cold plasma plays a role9, it is suppressed
at low frequencies due to collective effects. The suppression
occurs at the RT frequency (Rybicki & Lightman 1986),

νRT ≡ 2ecne

B

≃ 8.6× 109 Hz ε−1/2
B,−2µ

−1
e D1/2

∗,−1

× (Vs/5000 km s−1)
−1

R−1
16 . (60)

9 This may not be true in a relativistic plasma.
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Figure 6. The parameter range allowing radio emission in the (R,
D) plane, at ν = 5 GHz, where Vs = 5000 km s−1, ϵB = 10−2 and
f̃ = 10−2.5 and γi = γh are used. The suppression or absorption
of radio emission is insignificant at τsa < 1, ν > νRT, τff < 1 and
τuff < 1. The light shaded region indicates the forbidden region
for the radio emission in the pessimistic case, where the upstream
is assumed to be ionized with Tu

e = 105 K. The dark shaded area
indicates the forbidden region in the optimistic case, which may
be realized for different upstream properties. The downstream
temperature is set to kTe = 50 keV. From this figure, one sees that
radio emission from interaction-powered SNe satisfying τpp ∼ 1
is suppressed at this band.

-3

-2

-1

0

1

2

14 14.5 15 15.5 16 16.5 17 17.5 18

lo
g(
M
cs
(<
R
))

log(R [cm])

5 GHz

τff=1

yNR=1

τpp=1

ν=νRT

τffu=1

τsa=1

09ip

10jl
06gy

08iy

06jd

06jc
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The line of ν = νRT is shown in Figures 6-11. Instead, given
a frequency, we can obtain the upper limit on D∗ as

D∗,−1 ∼< 1.3 × 103 µ2
eεB,−2R

2
16(Vs/5000 km s−1)

2
ν2
11. (61)
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Figure 8. The same as Figure 6, but at ν = 100 GHz. From
this figure, one sees that observations at 100 GHz are useful for
probing interaction-powered SNe satisfying τpp ∼ 1.
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4.2 Synchrotron self-absorption

The SSA opacity is estimated to be (see Appendix B)

τsa(ν) ≈ τsa0

!

(ν/νn)
− 5

3 , (ν < νn)

(ν/νn)
−

p+4
2 (νn ! ν)

(62)

where p is the spectral index of electrons (that is generally
different from q for injected particles), νn ≈ γ2

neB/(mec),
and

τsa0 = ξp
enCRe

Bγ5
n

R. (63)

Here, when the Coulomb cooling is irrelevant, γn =
min[γi, γc] and ξp is evaluated as a function of p, which is
order of ∼ 5−10 (see Appendix B). When only synchrotron
and IC (in the Thomson regime) losses are relevant, we have
p = 2 at γc < γe < γi in the fast cooling case or p = q when
γi < γe < γc (i.e., the slow cooling case). Here, nCRe is
related to the number of electrons swept by the shock as

NCRe = 4πR3nCRe ≡ f̃
E

mpc2
, (64)

where f̃ is the number fraction of electrons defined against
E/(mpc

2). Note that, for primary electron acceleration, the
different parameter fe satisfies

NCRe = fe
4πDR
mH

. (65)

Assuming a power-law injection spectrum, we have

f̃e =
ϵe

γl ln(γM
e /γl)

mp

me
, (66)

for q = 2 and

f̃e =
ϵe(q − 2)
γl(q − 1)

mp

me
, (67)

for q > 2, and we typically expect f̃e ∼ 3 × 10−3ϵe,−3. For
secondary electrons, we have

f̃± =
min[1, fpp]ϵp
6γh ln(γM

p )
mp

me
, (68)
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- difficult at low-freq: synchrotron self-abs., free-free abs.
- submm. obs. can give crucial constraints (at later phases)
- aspherical or clumpy CSM may be necessary (ex. Chandra+ 12, 15)
- further careful searches are needed 
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Complications: synchrotron self-abs., free-free, Razin effect.



Neutrinos?

~10 MeV neutrinos from supernova
thermal: core’s grav. binding energy 
- supernova explosion mechanism
- progenitor
- neutrino properties, new physics 
Super-K can detect ~8,000 n at MeV (at 8.5 kpc)

Super-K

GeV-PeV neutrinos from supernova?
non-thermal: shock dissipation 
- probes of CR acc., progenitor & mass loss
- do not suffer from attenuation like photons! 
- neutrino properties, new physics

How many HE ns can be detected???
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Diversity of Core-Collapse Supernovae

Type II: ~ 2/3 of CCSN

2

TABLE I: CSM parameters for various types of SNe consid-
ered in this work. For SNe IIn and SNe II-P with a pre-
SN mass loss, we also assume that the CSM is extended
to Rw = 1016 cm [17] (implying M

cs

⇠ 3 M�) and Rw =
4⇥ 1014 cm [18] (implying M

cs

⇠ 10�3 M�), respectively.

Class D⇤ Ṁw [M� yr�1] Vw [km s�1] R⇤ [cm]
IIn 1 10�1 100 1013

II-Pa 10�2 10�3 100 6⇥ 1013

II-Pb 1.34⇥ 10�4 2⇥ 10�6 15 6⇥ 1013

II-L/IIb 10�3 3⇥ 10�5 30 6⇥ 1012

Ibc 10�5 10�5 1000 3⇥ 1011

a
Based on the observations of SN 2013fs (II-P).

b
Based on the observations of Betelgeuse (RSG).

ity Vw as D = Ṁw/(4⇡Vw). It is noteworthy that re-
cent observations have revealed that a significant pre-SN
mass loss of ⇠ 0.1 � 10 yr is common in core-collapse
SNe (e.g., Refs. [16, 19–24]), including the dominant
class, SNe II-P. For example, early observations of SN
2013fs indicated D⇤ ⇠ 10�2 and an outer edge radius of
Rw ⇠ a few ⇥ 1014 cm [17]. The most extreme class
is Type IIn SNe [18, 25, 26], and SN 2010jl inferred
D⇤ ⇠ 6 and Rw ⇠ 1016 cm [18]. A dense CSM is sug-
gested in even Type Ibc SNe and low-luminosity �-ray
bursts [27, 28]. See Ref. [16] and Table I.

A faster component of the SN ejecta is decelerated
earlier, and the shock evolution is given by known self-
similar solutions [29–31]. In the thin shell approxima-

tion, with an outer ejecta profile of %
ej

/ t�3(r/t)�� (for
� � 6.67), the shock radius is given by [29–31]

Rs = X(w, �)D� 1

��w E
��3

2(��w)

ej

M
� ��5

2(��w)

ej

t
��3

��w , (1)

where X(w, �) = [(3� w)(4� w)]
1

��w [10(� � 5)]
��3

2(��w)

[4⇡(� � 4)(� � 3)�]�
1

��w [3(� � 3)]�
��5

2(��w) for the flat core
profile. The solutions remain valid until the whole ejecta
starts to be decelerated [79], which is satisfied in our
setup. Progenitors of Type II-P SNe are thought to be
red supergiants (RSGs), for which we assume a stellar
size of R⇤ = 6 ⇥ 1013 cm. For SNe II-L/IIb, we use a
value motivated by yellow supergiants [16]. We adopt
� = 12 for supergiant stars with a radiative envelope,
while � = 10 is assumed for Wolf-Rayet-like compact
stars with a convective envelope [32]. For SNe IIn, we
simply take � = 10 based on the results on SN 2010jl [18].
However, we stress that these do not alter our conclusions
on neutrino spectra and detection prospects.

While we use Eq. (1) for numerical calculations, for the
demonstration we give expressions using Type II-P SNe
as a reference. The shock radius is estimated to be

Rs ⇡ 2.4⇥ 1014 cm D�1/10
⇤,�2

E9/10
ej,51M

�7/20
ej,1 t9/10

5.5 (2)

and the corresponding shock velocity Vs = dRs/dt is:

Vs ⇡ 6.2⇥ 108 cm s�1 D�1/10
⇤,�2

E9/10
ej,51M

�7/20
ej,1 t�1/10

5.5 . (3)

Shock dissipation converts the kinetic energy into heat,
magnetic fields, and CRs. The energy dissipation rate,
Ld = 2⇡%

cs

V 3

s R
2

s is estimated to be

Ld ⇡ 1.0⇥ 1042 erg s�1 D7/10
⇤,�2

E27/20
ej,51 M�21/20

ej,1 t�3/10
5.5 . (4)

By analogy with SN remnants, it is natural to ex-
pect that CRs are accelerated by the shock accelera-
tion mechanism. Contrary to the SN shock inside a
star [80], the CSM is not too dense (except for SNe IIn)
and the formation of collisionless shocks (mediated by
plasma instabilities) is unavoidable [33–36]. The condi-
tion for the shock to be radiation unmediated is given by
⌧T ⇡ �T %csRs/(µemH) . c/Vs, where ⌧T is the optical
depth to the Thomson scattering with the cross section,
�T ⇡ 6.7 ⇥ 10�25 cm2. If radiation mediated, the shock
jump is smeared out by radiation from the downstream,
and CR acceleration becomes ine�cient [37, 38]. This cri-
terion coincides with the condition for photons to break-
out from the CSM, which is satisfied after the photon
breakout time, i.e., t � t

bo

⇡ 6.0 ⇥ 103 s D⇤,�2

µ�1

e [39].
In addition, since we consider CR acceleration during
CSM interactions, we take the second criterion, t �
t⇤ ⇡ 6.8 ⇥ 104 s D1/9

⇤.�2

E�1/2
ej,51 M7/18

ej,1 , which is given by
R⇤ = Rs(t⇤) for Vs < Vs,max

(where Vs,max

is the max-
imum velocity [32]). Considering these conditions, the
onset time of CR acceleration is given by

t
onset

⇡ max[t
bo

, t⇤]. (5)

We find that in most cases including Type II-P SNe,
t
onset

⇠ t⇤, which is di↵erent from t
onset

⇠ t
bo

for Type
IIn SNe. See Fig. 1 for t

onset

of various SN classes.
The CR acceleration time is given by t

acc

⇡
⌘Ep/(eBc), where ⌘ = (20/3)(c2/V 2

s ) for a non-
relativistic shock whose normal is parallel to the mag-
netic field in the Bohm limit [12]. We parameterize
B2/(8⇡) = ✏BUd, where Ud is the dissipated energy den-
sity. Observations of radio SNe and numerical simula-
tions suggest ✏B ⇠ 10�3 � 10�2 [40, 41], and we adopt
✏B = 10�2. Note that with reasonable values of ✏B , the
detectability of TeV neutrinos is largely una↵ected. In
most cases listed in Table I, we find that the maximum
proton energy (EM

p ) is limited by the particle escape or
dynamical time. For simplicity, assuming that the escape
boundary is comparable to the system size (see Refs. [36]
for discussions), i.e., t

acc

⇠ t
dyn

⇡ Rs/Vs, we ob-

tain EM
p ⇡ 1.9⇥ 106 GeV ✏1/2B,�2

D3/10
⇤,�2

E9/10
ej,51M

�7/10
ej,1 t�1/5

5.5 .
However, for Type IIn SNe, energy losses due to inelas-
tic pp interactions can be relevant, and Ref. [33] gives

EM
p ⇡ 2.3 ⇥ 106 GeV ✏1/2B,�2

D�9/10
⇤,�2

E9/5
ej,51M

�7/5
ej,1 t3/5

5.5 . Fi-
nally, we assume a CR spectrum to be a power-law,
dN

cr

/dp / p�s with s ⇠ 2.0� 2.2, where p is the proton
momentum. The CR energy density U

cr

is normalized as
U
cr

= ✏
cr

Ud, where ✏
cr

is the energy fraction carried by
CRs and ✏

cr

⇠ 0.1 is consistent with both of the theoret-
ical expectations and observations [10, 13].
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Core-Collapse Supernova Fractions 3

Table 1. Volume-limited core-collapse SN fractions

SN Type fraction error

( % ) ( % )

Ic 14.9 +4.2/−3.8
Ib 7.1 +3.1/−2.6
Ibc-pec 4.0 +2.0/−2.4

IIb 10.6 +3.6/−3.1
IIn 8.8 +3.3/−2.9

II-L 6.4 +2.9/−2.5
II-P 48.2 +5.7/−5.6

Ibc (all) 26.0 +5.1/−4.8

Ibc+IIb 36.5 +5.5/−5.4

Core-Collapse SN Fractions

II-P
48.2%

II-L
6.4%

IIb
10.6%

IIn

8.8%

Ibc-pec 4.0%

Ic
14.9%

Ib
7.1%

Ib
7.1%

Figure 1. Relative fractions of CCSN types in a volume-limited
sample from LOSS. This is slightly different from the fractions
quoted in Paper II, in order to better suit the aim of this paper
as explained in the text. The main difference is that we exclude
SNe in highly inclined galaxies because of extinction effects, and
we reorganise the class of SNe Ibc-pec (namely, we moved broad-
lined SNe Ic from the “Ibc-pec” category to the “Ic” group).

2 OBSERVED CCSN FRACTIONS

Figure 1 shows a pie chart illustrating the relative fractions
of different types of CCSNe derived from LOSS. These val-
ues are taken from the volume-limited fractions of all SN
types derived in Paper II, with the thermonuclear (Type Ia)
explosions subtracted from the sample. The relative frac-
tions of the total for CCSNe are listed in Table 1, and these
values are adopted throughout this work. See Paper II for
further details on how these numbers are derived from our
survey. Errors in Table 1 were estimated using a random
Poisson number generator to sample from a list of fake SNe
with fractions corrected for various observing biases, with
106 realizations. Paper II discusses this in more detail.

There are several important points to note here. This
volume-limited sample of CCSNe excludes most of the
so-called “SN impostors” (e.g., Van Dyk 2010; Smith et

al. 2010, in preparation), which appear as relatively faint
SNe IIn that are often discovered by KAIT. If we had in-
cluded them, the fraction of SNe IIn would be significantly
higher; note that even without the SN impostors, however,
our relative fraction of SNe IIn is higher than in previous
studies (Cappellaro et al. 1999; Smartt 2009). The crite-
ria for excluding an individual SN impostor are admittedly
somewhat subjective, but this is a necessary step since the
diversity and potential overlap of SNe IIn and massive star
eruptions are not fully understood yet. Generally, if an ob-
ject has a peak absolute R or unfiltered magnitude brighter
than −15 and has line widths indicating expansion speeds
faster than about 1000 km s−1, we include it as a real SN IIn.
Less luminous and slower objects are considered impostors
and are excluded.

Unlike previous studies, we include a category called
“SNe Ibc-pec” (peculiar; see Paper II). This category was
necessary to introduce in Paper II because some SN Ibc
vary significantly from the template light curves used to de-
rive the control times for SNe Ib and Ic. As such, the “Ibc-
pec” category in Paper II includes some broad-lined SNe Ic
such as SN 2002ap that are clearly SNe Ic. We have moved
these to the SN Ic category for the purpose of this paper,
since they clearly correspond to massive stars that have fully
shed their H and He envelopes. This has a small effect on the
overall statistics, because broad-lined SNe Ic are very rare in
our sample, contributing only 1–2% of all CCSNe. This is in
agreement with the recent study of Arcavi et al. (2010), who
find that broad-lined SNe Ic contribute only 1.8% of CCSNe
in large galaxies. It is noteworthy, however, that Arcavi et
al. (2010) find broad-lined SNe Ic to be much more common
(∼13% of CCSNe) in low-metallicity dwarf host galaxies.
We also exclude SNe occurring in highly inclined galaxies,
where dust obscuration may introduce statistical problems
that are difficult to correct. As a result of these minor adjust-
ments, made because our goal of investigating implications
for massive-star evolution is different from the goal of deriv-
ing relative rates and correcting for observational biases, the
relative fractions of various SN types in Table 1 and Figure 1
differ slightly from the results in Paper II.

In quoting fractions of various SN types, we ignore
metallicity, galaxy class, and other properties, although we
are cognizant of the importance of these properties and con-
sider them in our discussion below. The galaxies included in
the LOSS survey span a range of luminosity, with most of the
CCSN hosts corresponding roughly to metallicities of 0.5–2
Z⊙ (Garnett 2002; the LOSS galaxy sample spans a range
of MK from about −20 to −26 mag, but most of the CCSN
hosts are in the range −22 to −25 mag; see Paper II). We
note some trends in Paper II, such as the fact that SNe IIn
appear to prefer lower luminosity spirals, whereas SNe Ibc
seem to prefer large galaxies and therefore higher metallicity,
consistent with previous studies (Prantzos & Boissier 2003;
Prieto et al. 2008; Boissier & Prantzos 2009). LOSS is biased
against very faint dwarf galaxies, since larger galaxies with
potentially more SNe were targeted to yield a richer harvest
of SNe. However, low-luminosity galaxies seem to have more
than their expected share of star formation per unit mass,
and probably contribute 5–20% of the local star formation
(Young et al. 2008). If unusually luminous SNe IIn and II-L
favour such low-luminosity galaxies, as some recent studies
may imply (Smith et al. 2008; Miller et al. 2009; Quimby et

Smith+ 11 MNRAS

stellar wind only
w. pre-SN mass loss

e.g., Smith 14 



Evidence for Dense Material in “Ordinary” SNe II

Extended material is common even for Type II-P SNe
→ Mdot~10-3-10-1 Msun yr-1 (>> 3x10-6 Msun yr-1 for RSG)

early spectroscopy

(Yaron+ 16 Nat. Phys.)

see also
light curve modeling
Morozova+ 17 ApJSN 2013fs



Example: Spherical Model

HE neutrino luminosity simply traces bolometric luminosity as long as tpp>1 
fast-velocity ejecta Ed ~ Eej(>Vs) determines released neutrino energy
parameters can in principle be determined by EM (opt, X, radio) observations

equation of motion of the shocked ejecta

self-similar solution (Chevalier 82)
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shock radius

Eej ~ 1051 erg, Mej ~ 10 Msun

w=2 for a wind CSM
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Neutrino Light Curve

tonset ~ time leaving the star (typical) or breakout time (IIn)
slowly declining light curve while pion production efficiency ~ 1
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Neutrino Fluence

Fluence for an integration time when S/B1/2 is maximal
(determined by the time-dependent model due to atm. bkg.)
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Prospects for Neutrino Detection

~ 10-1000 events for Type II supernovae at 10 kpc
~ 0.01-0.1 events for Ibc (but there would be exceptions) 
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Multi-Energy Neutrino View of the Next Galactic Supernova?

- Type II: ~100-1000 events of TeV n from the next Galactic SNe!!!
ex. Betelgeuse: ~103-3x106 events!!!, Eta Carinae: ~105-3x106 events!!! 

- SNe as “multi-messenger” & “multi-energy” neutrino source
- Real time obs. of CR ion acceleration
- Probes of neutrino physics (e.g., non-standard interactions)

MeV n

GeV-PeV n

~0.1-1 day~10 sec

Ln

En



How about Extragalactic SNe?

typical Type II-P, II-L/IIb: 
detection of extragalactic 
SNe is hard
N ~ 0.01-0.1 (d/1 Mpc)-2

A single SN IIn is detectable 
up to ~10 Mpc

statistical search
ex. stacking analysis

auto-correlation analysis

10 Petropoulou et al.

Figure 9. Bottom panel: Expected IceCube ⌫µ + ⌫̄µ event number as a func-
tion of luminosity distance DL for the two SN scenarios discussed in text
(S1: blue lines; S2: cyan lines). For the second scenario, the number of neu-
trinos expected only within the first year is shown. For both scenarios, the
results for three di↵erent values of the proton acceleration e�ciency are pre-
sented (see legend). The horizontal black and red lines indicate the number
of neutrinos required to reach IceCube’s sensitivity and 5� discovery poten-
tial, respectively. Top panel: All-sky number of SNe IIn up to DL expected
over 8 years (black thick line). The shaded region corresponds to the 84 per
cent confidence level (CL), assuming that the supernova number follows a
Poissonian distribution (Gehrels 1986). Red coloured symbols denote the
observed number of SNe IIn within that distance (see Table 3).

sample from the Northern Sky (Section 3.1). Even more stringent
constraints on the acceleration e�ciency may be placed by direct
observations of close-by SNe IIn with neutrino telescopes (Section
3.2).

The neutrino flux from a SN IIn depends on its distance,
shock velocity, mass-loading parameter, and proton acceleration
e�ciency (Section 3.2). All parameters, except for the latter, can
be, in principle, inferred from radio and optical observations of
SNe IIn. For example, vsh is routinely inferred from the width of
optical emission lines, while Kw can be derived by the fitting of ra-
dio observations (Chevalier 1998; Chevalier et al. 2006; Chandra
et al. 2015). Besides the intrinsic source parameters that a↵ect the
neutrino luminosity, as exemplified through scenarios S1 and S2,
the actual distance of the source has the strongest impact on the
IceCube expected neutrino rate (see equation (12)).

The IceCube ⌫µ + ⌫̄µ event number expected within the first
year in both scenarios discussed in Section 3.2, is plotted in Fig. 9
(bottom panel) as a function of the source distance. Di↵erent types
of lines correspond to three values of the proton acceleration e�-
ciency marked on the plot. The curves are obtained after scaling the
total number of muon neutrinos obtained in S1 and S2 (see Table 2)
with the source distance and ✏p. The top panel in Fig. 9 shows the
all-sky number of SNe IIn expected over 8 years up to a distance
DL (black thick line); the number is derived using the CC SN rate
of HB06 and ⇠ = 0.04. For ✏p values allowed by the di↵use flux

measurements, i.e., ✏p . 0.2⇥ (0.04/⇠), only S1-like SNe IIn at dis-
tances . 18 Mpc are strong enough neutrino emitters to constrain
less e�cient acceleration scenarios, in agreement with the predic-
tions by Murase et al. (2011). If ✏p = 0.2, IceCube would be capable
of claiming a neutrino detection from an S1-like SN IIn exploding
at ⇠ 10 Mpc. For SNe IIn with lower mass-loading parameter Kw,
as discussed in S2, the neutrino rate decreases significantly, even
for ✏p = 0.2. This restricts the accessible distance to no more than
4 Mpc.

S1-like sources with faster shocks are more promising candi-
dates for neutrino detection. For higher shock velocities, the neu-
trino rate increases as / v3

sh (see equation (17)), while the duration
of the neutrino production decreases with v�1

sh . The latter leads to an
accordingly lower number of background events, thus increasing
the signal-to-noise. Furthermore, the higher shock velocity results
in an increased cuto↵ value of the neutrino energy spectrum, as this
scales with v2

sh (Section 3.2). For example, a source with a three
times higher shock velocity than in S1 (vsh = 3 ⇥ 104 km s�1) and
the same Kw, ✏p values, would yield ⇠ 38 events above 10 TeV.
Hence, IceCube would be sensitive to such a source up to 40 Mpc
even for ✏p = 0.03. A positive detection would also be possible for
a source located at . 20 Mpc. Given that IceCube’s sensitivity im-
proves when the neutrino spectrum extends above 100 TeV (Fig. 3
in Aartsen et al. 2016c), these estimates are rather conservative.

Another important aspect in the search of neutrino point
sources is the rate of SNe IIn explosions at the relevant distances
(i.e., . 40 Mpc). The expected number of SNe IIn at distances
. 22 Mpc (40 Mpc) is 0.7+0.9

�0.5 (4.4+2.1
�1.4)3 within 8 years in the North-

ern Sky (top panel in Fig. 9). During the period of 2010-2016 three
SNe IIn were detected in the Northern Sky at a mean distance of
⇠ 29 Mpc (Table 3). Stacking of their neutrino signal could place
stronger constraints on ✏p than the di↵use neutrino flux by a factor
of
p

NIIn.
Neutrino production in p-p collisions is accompanied by the

injection of relativistic electron-positron pairs in the post-shock re-
gion and the production of GeV �-ray photons via the decay of neu-
tral pions. The first systematic search for �-ray emission in Fermi-
LAT data from the ensemble of 147 SNe IIn exploding in a dense
CSM was recently presented by Ackermann et al. (2015). No sig-
nificant excess above the background was found leading to model-
independent �-ray flux upper limits. These �-ray non-detections
constrained the ratio of the �-ray to optical luminosity in the range
0.01-1. These can, in principle, be translated to limits on ✏p. How-
ever, due to the uncertainty in the escaping fraction of �-rays, no
stringent limits could be placed on the proton acceleration e�-
ciency.

4.3 IceCube neutrinos in coincidence with SNe IIn?

Table 3 shows the detected SNe IIn in the local Universe (i.e.,
within a distance DL = 40 Mpc). Out of the 29 high-energy muon
neutrinos detected in the Northern Sky above 200 TeV (Aartsen
et al. 2016d), none is found to be in spatial or temporal coinci-
dence with these SNe IIn. However, one cascade-like event4 from
the 4-year HESE IceCube sample (The IceCube Collaboration et al.
2015) was detected on MJD 55798.63, i.e. �t = 1.13 days after the

3 The errors correspond to 1 � errors of Gaussian statistics.
4 ID 16 with deposited energy of 30.6 TeV and 19.4 degrees median angu-
lar uncertainty.
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6.5. Catalog Properties

Figure 6.4.: Equatorial distribution of type IIn and type IIp supernovae. The galac-
tic plane is visible since most optical surveys avoid the galactic plane,
where background stars and dust make the detection of extragalactic SNe
difficult.

Figure 6.5.: Equatorial distribution of potential choked jet supernovae The galactic
plane is visible since most optical surveys avoid the galactic plane, where
background stars and dust make the detection of extragalactic SNe diffi-
cult.
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Stacking Search by IceCube

IceCube preliminary
(from Ph.D thesis by  Alexandar Stasik)

11.2. Upper Limit on Single Source Fluence

signal expectation of the high quality sample is roughly two times larger with lower

background.

The high quality sample was analysed both using fixed weights and fitting of the

weights. Fitting of weights and the fixed weight assumption result in similar upper

limits. The quoted upper limit is always the weaker upper limit of the both to be

conservative. Table 11.1 shows the upper limits for the different analysis scenarios

assuming an E−2 spectrum. For comparison, the upper limits are also illustrated in

figures 11.4 and 11.5 for the two light curve models. Here only the upper limits from

the high quality sample are shown. Upper limits are also computed on individual

sources, results can be found in the appendix (A.4).

Figure 11.4.: Upper limit on total neutrino energy assuming a box-like neutrino light
curve. The model prediction by Murase et al. [37] is also shown for
comparison.

For the case of supernovae of type IIn, the upper limits are consistent with both of

the theoretical predictions [37]. The energy range of the order of 1048−1049 erg. This

is consistent with a typical assumed total kinetic energy of 1051 erg in a supernova and

an acceleration efficiency of about 10%. Further on, the protons undergo hadronic

interactions and transfer about 10% of their energy to neutrinos [37]. Thus the out-

come of the unblinding is not in tension with standard assumptions about supernova

emmission mechansim.

145

339 SNe IIn stacked

7 yr through-going



Type Ibc Supernovae & Low-Luminosity GRBs

Another possible subclass of interest are UL GRBs,
which have a much longer duration compared to classical
GRBs (but see also Ref. [32]). Their long duration may
suggest a long-lasting fall-back accretion from an extended
progenitor onto a black hole. Blue supergiants (BSGs) are
possible UL GRB progenitors and are believed to be
common at very high redshifts [33,34]. Alternatively, such
long durations may be explained by a fast-rotating pulsar,
which could account for the connection between UL GRBs,
superluminous SNe and hypernovae (e.g., Refs. [35–37]).
Although we do not consider potential sources of UL GRBs
in this work, these low-power GRBs can also contribute to
neutrino emission [19].
Predictions for high-energy neutrino emission from GRB

jets of both high and low luminosity are still uncertain
despite recent improvements in theoretical calculations (e.g.,
Refs. [38–44]) (although guaranteed emission is expected in
the GeV-TeV range for neutron-loaded outflows; e.g.,
Refs. [45–48]). Irrespective of their viability as VHE
neutrino factories, the mechanisms for producing and the
physical processes associated with low-power GRBs are still
largely unknown and remain intriguing open questions.
Nearby long GRBs have been associated with broad-line
Type Ic SNe (e.g., GRB 980425, 060218, and 100316D),
which are known to be caused by the collapse of massive
stars that eject their outer envelopes. LL GRBs have been of
special interest since they show intermediate properties
between GRBs and SNe and have been associated with
transrelativistic SNe [49]. Both types of transients may be
driven by jets [31,50], and the study of LL GRBs may offer
clues to the GRB-SN connection [51,52].
In this work, based on the above motivation we consider

the VHE neutrino emission from jets choked by dense
external material, as well as any subsequent shocks result-
ing from the jet acting as a relativistic piston. In particular,
we focus on scenarios which may produce LL GRBs.
Under the current constraints imposed by the IceCube
analyses mentioned above, such LL GRBs are attractive as
the originators of the diffuse VHE neutrino flux (i) because

of their high local rate relative to their high-luminosity
cousins and (ii) because their low gamma-ray flux makes
them difficult to detect with conventional electromagnetic
detectors (e.g., Swift). Recently, Murase and Ioka [19]
showed that choked jets may be more favorable as sites of
efficient neutrino production. Jets which successfully
penetrate both the progenitor star and, if applicable, a
circumstellar envelope (i.e., emergent jets) typically have
high luminosities such that they form radiation-mediated
shocks, which are unfavorable for CR acceleration and
neutrino production. Taking into account the luminosity
and redshift distribution of LL GRBs, we show that they
and the choked jets may contribute to the diffuse neutrino
flux while remaining absent from GRB joint electromag-
netic-neutrino searches. We also explicitly show the
conditions required to produce choked jets with radiation-
unmediated shocks.

II. DYNAMICS OF RELATIVISTIC JETS

A. Model setup for emergent jet, shock breakout,
and choked jet scenarios

GRBs are thought to result from the intense emission
from relativistic jets that successfully penetrate a progenitor
star, and an understanding of jet propagation is
undoubtedly relevant (e.g., Refs. [26,53,54]). It would be
natural to expect that the radiation mechanism of LL GRB
gamma-ray emission is similar to that of classical GRBs
[50,55,56]. The simplest such model is a scaled-down
version of the classical GRB, where dissipation occurs in a
mildly relativistic jet which has emerged outside of the
progenitor star and any circumstellar material. We call this
scenario the emerging jet (EJ) model (see Fig. 1, right
panel). For EJs, prompt neutrino emission is produced
together with prompt gamma-ray emission outside the star,
identical to the scenario expected from classical GRBs
[29,30,57].
Another interpretation of LL GRBs which has received

attention is the shock breakout emission model, where the
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FIG. 1. Left panel: The choked jet model for jet-driven SNe. Orphan neutrinos are expected since electromagnetic emission from the
jet is hidden, and such objects may be observed as hypernovae. Middle panel: The shock breakout model for LL GRBs, where
transrelativistic shocks are driven by choked jets. A precursor neutrino signal is expected since the gamma-ray emission from the shock
breakout occurs significantly after the jet stalls (e.g., Ref. [26]). Right panel: The emerging jet model for GRBs and LL GRBs. Both
neutrinos and gamma rays are produced by the successful jet, and both messengers can be observed as prompt emission.
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to that of classical GRBs. Here, importantly, even if the
observed GRB luminosity is low (recall that “low-
luminosity GRBs” here are defined based on the observed
luminosity), choked jets themselves may be as powerful as
the jets of classical high-luminosity GRBs. In the CJ-SB
model, the choked jet has isotropic-equivalent luminosity
L ∼ 1051–1052 erg s−1, but the observed gamma-ray lumi-
nosity is smaller by a factor of ð2=θ2jÞðT=tengÞ. (Clearly, teng
can also play a large role in determining whether a jet will
give rise to a classical GRB or an LL GRB). For the
shock breakout luminosity Lγ, the total absolute CR energy
in the jet is assumed to be ECR ¼ ðϵCR=ϵγÞðLγTÞ≃ 6.3 ×
1050 ergðξCR=2ÞLγ;47T3.5 [where ξCR ≡ ϵCR=ϵγ ¼
2ð0.25=ϵγÞðϵCR=0.5Þ is the so-called CR loading factor].
Note that the total absolute CR energy scales as the
observed gamma-ray luminosity. Also, the CR spectrum
is assumed to be dNp=dε0p ∝ ε0−2p .
The diffuse neutrino flux is calculated via (e.g.,

Ref. [85])

Φν ¼
c

4πH0

Z
zmax

zmin

dz
Z

Lmax

Lmin

dLγ

×
dRchoðzÞ=dLγffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
ΩMð1þ zÞ3 þ ΩΛ

p
"
dNνðð1þ zÞEνÞ

dE0
ν

#
; ð14Þ

where dNν=dE0
ν is the neutrino spectrum per burst, H0 is

the Hubble constant, and ΩM and ΩΛ are cosmological
parameters. If LL GRB progenitors evolve as the
star-formation rate (SFR), we rescale the function found
by [86],

RchoðzÞ ¼ fchoRLL

×
$
ð1þ zÞp1κ þ

"
1þ z
5000

#
p2κ

þ
"
1þ z
9

#
p3κ

%
1=κ

;

ð15Þ

with κ ¼ −10, p1 ¼ 3.4, p2 ¼ −0.3, p3 ¼ −3.5, where
fcho expresses the contribution of choked jets without
shock breakout (i.e., orphan neutrinos), and RLL ∼
100–200 Gpc−3 yr−1 is the local LL GRB rate at z ¼ 0.
Reference [24] constructed a luminosity function (i.e., the
number of bursts with an observed isotropic-equivalent
luminosity within a given luminosity interval) uniquely for
the LL GRB population

dRLL

dLγ
≈
ðα − 1ÞRLL

Lm

"
Lγ

Lm

#−α
: ð16Þ

It was found that the data were fit best with a local rate of
RLL ¼ 164þ98

−65 Gpc−3 yr−1, index α ¼ 2.3% 0.2 and char-
acteristic luminosity Lm ¼ 5 × 1046 erg s−1.

Figure 3 shows the diffuse neutrino flux from LL GRBs
for different components. For our parameter set in the CJ-
SB model that explains LL GRBs, we find that the diffuse
neutrino flux is compatible with the measured flux for
Eν ∼ 0.1–1 PeV. There are three relevant remarks. First,
since the gamma rays and the dominant component of
neutrinos are produced in different regions, a prediction of
the CJ-SB model is that the majority of the LL GRB
neutrino signal arrives ðrsb − rstallÞ=c ∼ 100–1000 s before
the LL GRB triggers a detector. Second, the VHE neutrino
emission from choked jets is highly beamed in the CJ-SB
model. On the other hand, the shock breakout contribution
is nearly isotropic, so the associated neutrino emission can
be observed from off-axis observers [81]. Third, precursor
neutrinos from choked jets will be found within a much
smaller temporal window (teng ∼ 101.5 s) compared to the
electromagnetically observed LL GRBs and/or shock
breakout emission.
For comparison, we also show one of the predictions of

the EJ model for Γ ¼ 5. We assume that the luminosity
function is constant, and the redshift dependence is taken
from Ref. [87] but also follows the SFR. Although the
model uncertainty is rather large, we confirm the previous
results that the EJ model may also give a significant
contribution to the diffuse neutrino flux [29,30] at large
observed energies (i.e., Eν;obs ≳ 1 PeV). The spectral shape
of earlier results [29,30] is seen by the recent estimate of
Ref. [88]. But the overall normalization is different due to
different assumptions on the CR loading factor and LL

FIG. 3. All-flavor diffuse VHE neutrino fluxes from LL GRBs
in various models. The choked jet CJ (this work), shock breakout
(CJ-SB) [81], and emergent jet (EJ) [29] components are shown.
The shock breakout component has been updated to include the
newest luminosity function and redshift evolution, while the EJ
component is luminosity insensitive with the redshift evolution of
Ref. [87] and is shown for illustrative purposes. Note that
neutrinos are observed as prompt emission or precursor emission.
The IceCube data based on the combined analysis [5] and
up-going muon neutrino analysis [8] are overlaid.

CHOKED JETS AND LOW-LUMINOSITY GAMMA-RAY … PHYSICAL REVIEW D 93, 083003 (2016)
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Name Max Mag (MJD) RA (rad) Dec (rad) D
L

(Mpc) Type

SN2011ep 55750.5 4.47 0.57 1490 Ic

PTF11ixk 55765.5 3.50 0.55 95 Ic

PTF11izq 55767.5 3.61 0.70 289 Ib

PTF11ilr 55771.5 6.05 0.27 — Ib

SN2011ee 55773.5 6.14 0.15 137 Ic

PTF11kaa 55775.5 4.57 0.82 184 Ib

SN2011gd 55790.5 4.34 0.38 44 Ib

PTF11klg 55810.5 5.79 0.11 120 Ic

PFT11kmb 55820.5 5.86 0.63 77 Ib-Ca

SN2011fl 55829.5 0.21 0.49 71 Ib

SN2011ft 55829.5 4.68 0.51 78 Ib

SN2011gh 55829.5 1.97 0.45 85 Ib

PFT11qcj 55866.5 3.46 0.83 127 Ib

SN2011fz 55888.5 6.01 0.04 73 Ib

LSQ11jw 55909.5 0.54. 0.01 90 Ic

SN2011jm 55918.5 3.38 0.05 14 Ic

SN2011it 55919.5 5.77 0.55 72 Ic

SN2011kf 55925.5 3.83 0.29 1280 Ic

SN2012C 55939.5 2.52 0.57 65 Ic

SN2012F 55930.5 0.15 0.07 137 Ib

SN2011kg 55937.5 0.44 0.52 976 SLSN-I

SN2012il 55941.5 2.56 0.35 878 SLSN-I

SN2012aa 55954.5 3.89 -0.04 376 Ic

SN2012ap 55975.5 1.31 -0.05 55 Ic BL

PTF12bwq 56007.5 3.61 0.44 184 Ib

PS1-12sk 56013.5 2.29 0.75 251 Ibn

LSQ12bph 56017.5 4.13 0.4 207 Ic

SN2012bw 56039.5 4.25 0.57 141 Ic

PTF12cde 56068.5 3.66 0.63 56 Ib/c

Table 1. Observations of the 29 Type Ibc SNe which were detected in the Northern Hemisphere
between May 2011 and May 2012.

(denoted as B
T

) is constant during the observation window. This window is taken to be the
central 99% confidence interval for eq. (3.1), Tmax,sn � 19 days  T  Tmax,sn � 4 days.

Unlike ref. [60], we assume that the signal PDF for neutrino arrival directions is the von
Mises-Fisher (aka the Kent [62]) distribution [47, 63]

Sdir ((↵, �)⌫ , (↵, �)sn) =


4⇡ sinh
eµ, (3.2)

– 4 –
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Type Ibc Stacking 

• Consistent w. no correlation: Ecr<1051-1052 erg
• Will be updated by the IceCube Collaboration

JCAP01(2018)025

Figure 6. Heat map that shows the exclusion limits for values of E
cr

and f
jet

based on synthetic
experiments with true signal neutrinos added. Darker color means higher confidence in exclusion
(e.g., the top right corner is excluded at 90% confidence). Solid lines shows the exclusion region for
an E�2

⌫ neutrino spectrum, while the dashed lines are for an E�2.3
⌫ spectrum.

We are able to place upper limits on the fraction of SNe which have choked jets pointed
towards us fjet, and the total amount of CR energy contained in such jets Ecr. Figure 6 shows
a heat map of the exclusion region in the Ecr � fjet plane which is given by the probability
of observing TSsig > 90% of TSbkg (see section 3.3). We consider the values 0 < fjet  1 to
consider the scenario where no Type Ibc SNe have jets, and when all such SNe contain them.
The solid (dashed) lines show the exclusion contours for a E�2

⌫

(E�2.3
⌫

) neutrino spectrum.
We are able to place limits on fjet down to Ecr ⇠ 1051.5 erg, which is comparable to a typical
SN explosion energy. Note that Ecr is the isotropic equivalent energy, so the true amount
of jet energy contained in CRs would be reduced by a factor ✓2

j

/2 ⇠ 10�1 depending on the
opening angle of the choked jet ✓

j

.

We can compare our result with a simple analytic argument, using the typical IceCube
fluence sensitivity �lim ⇠ 10�4 erg cm�2 and summing over each SN. The limit on Ecr and
fjet is set using the Poissonian probability of observing more neutrinos than the 90% upper
limit assuming a background only hypothesis (Nbkg,90). With the total neutrino background

rate (i.e., n
b

=
P

N

sn

j=1 bj) the 90% upper limit on the number of observed neutrinos in the
background only hypothesis is calculated solving [66]

N

bkg,90X

x=0

nx

b

e�nb

x!
 0.1 (4.1)
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Figure 7. Comparison of the numerical results of our analysis (heat map, see figure 6) with the
90% upper limit determined by eq. (4.2). The white solid line corresponds to the 90% upper limit
using the 28 SNe with measured redshift, while the black dashed line corresponds to the analytic 90%
confidence level using eq. (4.2) and 131 SNe from May 2010–May 2017 (see text for details).

The probability P
>90 of observing more neutrinos given a signal rate (n

s

), assuming the
average isotropic equivalent CR energy released per burst is Ẽcr = Ecr fjet, is given by

P
>90 =

N

bkg,90X

y=0

(n
s

+ n
b

)y e�(ns+nb)

y!
, (4.2)

where n
s

is estimated to be

n
s

= ��1
lim

Ẽcr
32⇡C

N

snX

j=1

1

D2
L,j

, (4.3)

For the 28 SNe in our sample with a measured redshift, this gives Ẽcr,90% ⇠ 1052 erg.

Figure 7 compares the heat map of our numerical results (as seen in figure 6) with the
analytic results produced by eq. (4.2) (white solid line). We see that there is reasonable
agreement between the shape of the exclusion region from both methods, as well as the
location of the 90% confidence limit at Ecr ⇠ 1052 erg (for fjet = 1). With an additional 6
years of IceCube data, we find using eqs. (4.1)–(4.2) that the 90% confidence limit on Ecr can
be improved by a factor of ⇠ 10 (see figure 7 black dashed line, which was calculated using
131 Type Ibc SNe that were observed between May 2010–May 2017 with an extrapolation of
the expected neutrino background rate for 7 years of data from 1 year of data).

– 11 –
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Another Idea: Neutrino Follow-Up

Neutrinos 

Neutrinos are not attenuated:
Rare SN ransients can be found                             

(ex. KM et al. 06 ApJL)

A few (even ~1) neutrinos can 

tell us where the source is 

Neutrino detection
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Example of Multiplet Follow-Up: PTF12csy

A pair of two neutrinos
→ Type II supernova is found

(PTF12csy)

MC events that have the reconstructed muon energy proxy Êm
not more than 10% and the reconstructed zenith angle cos( )q
not more than 0.1 away from the observed values of the two
alert events. The median and the central 90% C.L. interval are
calculated from the En probability density functions. The
results are listed in Table 1, where the assumed neutrino
spectrum is given in parentheses.

Follow-up observations at the direction of the neutrino alert
were performed with multiple instruments (see Section 5.1). In
the PTF images, a CCSN, named PTF12csy, was discovered at
R.A. 6h58m32s.744 and decl. 17°15′44″. 37 (J2000), only 0 °. 2
away from the average neutrino direction, see Figures 1 and 2.
This was a promising candidate for the source of the neutrinos,
but a search of the Pan-STARRS1 archive (see Section 5.1)
revealed that it was already at least 169 observer frame days
old, i.e., 158 days in host galaxy rest frame, at the time of the
neutrino alert. Therefore, it is highly unlikely that the neutrinos
were produced by a jet at the SN site, as this is expected to
happen immediately after core collapse in the choked jet
scenario (Ando & Beacom 2005).

However, steady neutrino emission on a timescale of several
months is a possibility and explored in Section 4.1.

3.1. Significance of Alert and SN Detection

The value of the test statistic λ for the neutrino doublet
amounts to 18.1- . The background distribution of λ is
constructed from experimental data, containing mostly atmo-
spheric neutrinos, by randomly permuting (shuffling) the event
times and calculating equatorial coordinates, i.e., R.A. and
decl., from local coordinates, i.e., zenith and azimuth angle,
using the new times. That way, all detector effects are entirely
preserved, e.g., the distribution of the azimuth angle, which has
more events at angles where detector strings are aligned, and
the time distribution, which is affected by seasonal variations.
At the same time, all potential correlations between the events
in time and space, and thus a potential signal, are destroyed.

The false alarm rate (FAR) for an alert with 18.1-l - is
0.226 year−1, calculated via integration of the λ distribution
below −18.1. Considering the OFU live time of 220.1 days in
the data acquisition season of the alert, 2011 September to 2012
May, yields N 18.1 0.136( )l < - = false alerts. Hence, the
probability, or p-value, for one or more alerts at least as signal-
like to happen by chance in this period is

P N1 0; 18.1 12.7%Poisson ( ( ))l- < - » . The OFU system
had already been sending alerts to PTF for ∼460 days at the
time of the alert. Scaling up the number of expected alerts with

18.1-l - , one derives a probability of 24%~ during
460 days.
The estimated explosion time of SN PTF12csy does not fall

within the a priori defined time window for a neutrino-SN
coincidence of '(1 day). It is thus not considered an a priori
detection of the follow-up program. Despite this fact, for
illustrative purposes, we calculate the a posteriori probability
that a random CCSN of any type, at any stage after explosion,
is found coincidentally within the error radius of this neutrino
doublet and within the luminosity distance of PTF12csy, i.e.,
300Mpc. The number of such random SN detections is

N
dN
dt dV

T m M r r dr
4

, , 4 2s
det

0

300 Mpc
SN

lim
2( )ˆ ( )òp

p=
W

where sW is the solid angle of the doublet error circle (blue
circle in Figure 1), which is ∼0.93 (°)2. For the volumetric
CCSN rate dN dt dVSN ( ), a value of 0.78 × 10−4

Mpc−3 year−1 is used, (see Horiuchi et al. 2013, Section 4.1).
The control time T m M r, ,lim( ˆ ) is the average time window in
which a SN is detectable, i.e., brighter than the limiting
magnitude. It depends on the distance to the source r, the peak

Figure 1. Map of the sky with the two neutrino event directions, the average
neutrino direction, and the location of SN PTF12csy. Estimated reconstruction
errors are indicated with circles, the PTF FOV is shown as dashed box. The
positions of the PTF survey camera CCD chips are plotted with dotted lines and
the chip number is printed on each chipʼs field (cf. Law et al. 2009). Note that
chip 03 is not operational and thus hatched in the plot.

Figure 2. New image, reference image and post-subtraction image of the PTF
discovery of PTF12csy from 2012 April 09, with the location of PTF12csy in
the center. This image shows only a small fraction of the PTF FOV. The image
from the Sloan Digital Sky Survey (SDSS-III) DR12 (Gunn et al. 2006;
Eisenstein et al. 2011; Ahn et al. 2014; Alam et al. 2015) is shown for
reference, showing a faint host galaxy to the south of the SN.
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curves. For Figures 6 and 7, the P48 Mould R magnitudes are
converted to SDSS r by subtracting the Hα contribution (as
above), applying the formulae in Ofek et al. (2012) valid for
blackbody spectra, and then re-adding the Hα contribution to
the r-band. After conversion, the P48 R magnitudes are
consistent with the P60 SDSS r magnitudes.

The SwiftUVOT data contain host contamination. Since no
GALEX data from a pre- or post-SN epoch are available for the
host galaxy,73 no host subtraction can be done in the UV filters
of UVOT. For the u, b and v filters, the host is subtracted by
interpolating the host magnitudes from the SDSS DR12 data
(Alam et al. 2015)74 to the effective wavelengths of the UVOT
filters.

5.2.2. The Light Curves

The earliest detection of PTF12csy was in the Pan-
STARRS1 y-band on 2011 October 13 (MJD 55847.582),
169 days prior to the neutrino alert in observer frame,
corresponding to 158 days in host galaxy rest frame using
z = 0.0684 (see Section 5.3). The latest non-detection, again in
Pan-STARRS1, was on 2011 March 21 (MJD 55641.3) in a
30 s z-band frame, 206 days before the first detection (193 days
in rest frame). Hence, the explosion time is not well constrained
and can be anytime between MJD 55641.3 and MJD 55847.6.
Hereafter, we refer to the y-band detection at MJD 55847.582
as the first detection and use it as day 0 for the light curve.

The uncorrected SN light curves with the data available
through the IceCube OFU program are displayed in Figure 5,
including photometry acquired with the SwiftUVOT filters
uvw2, uvm2, uvw1, u and b; the Johnson B filter on P60; the
SDSS filters g, r, i with data from P60, PS1, and FTN; the
SDSS z filter on P60; Mould R filter on P48; and Pan-STARRS
y filter on PS1. The entire uncorrected photometry in apparent
magnitudes, as seen in Figure 5, is also available in Table 3.

The light curves are averaged within bins of 10 days width, for
each filter and telescope separately. Note that, in contrast to
most of the other photometry, no host subtraction is performed
for the SwiftUVOT magnitudes presented in Figure 5 and
Table 3.
Figure 6 shows the light curve of selected filters in absolute

magnitudes, after the photometric corrections. Light curves of
other exceptional SNe II are overlaid for comparison: SN IIn
2006gy (Ofek et al. 2007; Smith et al. 2007; Kawabata
et al. 2009; Miller et al. 2010a), one of the most luminous SNe
ever recorded, and SN 2010jl (Stoll et al. 2011; Zhang
et al. 2012), a SN IIn that is spectroscopically similar to
PTF12csy (see Section 5.3) and shows signs of a collisionless
shock in an optically thick CSM, hinting toward potential HE
neutrino production (Ofek et al. 2013). Note that the SN 2010jl
light curve is not extinction corrected and the comparison light
curves have different reference dates: SN 2010jl is relative to
maximum light, 2006gy is relative to the explosion time. A
theoretical light curve from pure radioactive decay of

Ni Co Fe56 56 56 (black dashed line) is added to the figure
as well, scaled to match the observed absolute magnitude of
PTF12csy.
The brightest observed absolute magnitudes after application

of photometric corrections (see Section 5.2.1) and converting to
absolute magnitudes with a distance modulus of 37.443m =
(z 0.0684= ) are Mg ≈ −19.0 mag, Mr ≈ −19.0 mag, Mi ≈
−19.6 mag, Mz ≈ −19.4 mag, and My ≈ −19.0 mag, assuming
standard cosmology with Hubble parameter H0 = 70 km s−1

Mpc−1, matter density 0.3mW = , and dark energy density
0.7W =L . While these are lower limits to the peak magnitude

due to the sparse sampling, these absolute magnitudes are
relatively modest compared to the most luminous SNe IIn, e.g.,
SN 2006gy (MR = −22 mag) (Kawabata et al. 2009) or
SN 2008fz (MV = −22.3 mag) (Drake et al. 2010). They are
however comparable to the SNe IIn 2008iy (Mr ≈ −19.1 mag)
(Miller et al. 2010b), 1988Z (MR −18.9 mag) (Turatto
et al. 1993) and SN 2010jl (MR −20.0 mag) (Zhang
et al. 2012).

5.2.3. Decline Rates and Energy Source

The light curves of PTF12csy indicate a plateau within
∼100 days after first detection, and a slow fading afterwards.
The corrected absolute magnitude light curves are fitted to
obtain the linear decline rates in different photometric filters,
during different epochs (see Figure 7 and Table 4). For some
epochs and filters, especially g and r, the decline rates are close
to 0.98 mag (100 days)−1, the decline rate expected for
radioactive 56Co decay (Miller et al. 2010b), while in general
decline rates are slower, indicating that at least part of the
radiated energy is powered by interaction of the SN ejecta with
a dense CSM (Miller et al. 2010b).
Additionally, radioactive decay of 56Co at a still relatively

high absolute magnitude of ∼−19 mag implies a preceding
56Ni decay with an extremely bright peak, which was not
observed, although the data are quite sparse. Assuming that the
luminosity is generated by radioactive decay alone and
following Kulkarni (2005), we estimate that 1.7 M☉ of 56Ni
would be required to provide the bolometric luminosity of
9.7× 1042 erg s−1at 100 days in rest frame (see Section 5.2.5).
The lower limit on the 56Ni mass is set by assuming that the
explosion and thus generation of 56Ni was at the latest possible
time, directly before the first detection. Figure 6 shows the

Figure 5. PTF12csy photometry in apparent magnitudes without applying
corrections. The photometry is averaged over intervals of 10 days. The data
originate from the following telescopes: uvw2, uvm2, uvw1, u, b: UVOT; B:
P60; g: P60, PS1, FTN; r: P60, PS1, FTN; R: P48; i: P60, PS1, FTN; z: P60,
PS1; y: PS1.

73 See http://galex.stsci.edu/GalexView/
74 http://skyserver.sdss.org/dr12/en/tools/chart/navi.aspx
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• Weak correlation
• Probability that it happens 

by accident ~ 3% 
(not significant)



Astrophysical Multi-Messenger Observatory Network (AMON)

IceCube

I 5160 PMTs

I 1 km3 volume

I 86 strings

I 17 m PMT-PMT
spacing per string

I 120 m string
spacing

I Angular resolution
⇠ 1o

I Completed 2010

50 m

1450 m

2450 m

2820 m

Eiffel Tower

324 m

IceCube Lab

Deep Core

N. Whitehorn, UW Madison IPA 2013 - 4

Light (elemag)

Gravitational wave
(gravity)

Cosmic-ray 
(strong force)

Neutrino (weak force)

AMON/GCN (present pipeline)

HESE track: 2-9 deg (90%)

HESE/EHE: 0.4-1.6 deg (50%)

Swift

HAWC

VERITAS

Auger

Advanced-LIGO

IceCube

- send “public” alerts
- n-g subthreshold events

ANTARES



//////////////////////////////////////////////////////////////////////
TITLE:            GCN/AMON NOTICE
NOTICE_DATE:      Fri 22 Sep 17 20:55:13 UT
NOTICE_TYPE:      AMON ICECUBE EHE 
RUN_NUM:          130033
EVENT_NUM:        50579430
SRC_RA:            77.2853d {+05h 09m 08s} (J2000),
                   77.5221d {+05h 10m 05s} (current),
                   76.6176d {+05h 06m 28s} (1950)
SRC_DEC:           +5.7517d {+05d 45' 06"} (J2000),
                   +5.7732d {+05d 46' 24"} (current),
                   +5.6888d {+05d 41' 20"} (1950)
SRC_ERROR:        14.99 [arcmin radius, stat+sys, 50% containment]
DISCOVERY_DATE:   18018 TJD;   265 DOY;   17/09/22 (yy/mm/dd)
DISCOVERY_TIME:   75270 SOD {20:54:30.43} UT
REVISION:         0
N_EVENTS:         1 [number of neutrinos]
STREAM:           2
DELTA_T:          0.0000 [sec]
SIGMA_T:          0.0000e+00 [dn]
ENERGY :          1.1998e+02 [TeV]
SIGNALNESS:       5.6507e-01 [dn]
CHARGE:           5784.9552 [pe]
SUN_POSTN:        180.03d {+12h 00m 08s}   -0.01d {-00d 00' 53"}
SUN_DIST:         102.45 [deg]   Sun_angle= 6.8 [hr] (West of Sun)
MOON_POSTN:       211.24d {+14h 04m 58s}   -7.56d {-07d 33' 33"}
MOON_DIST:        134.02 [deg]
GAL_COORDS:       195.31,-19.67 [deg] galactic lon,lat of the event
ECL_COORDS:        76.75,-17.10 [deg] ecliptic lon,lat of the event
COMMENTS:         AMON_ICECUBE_EHE.  
 
 

Example of HE Singlet Follow-Up: IceCube 170922A

- EHE alert pipeline: from the Chiba group
- Automatic public alert: through AMON

Track w. En ~ 300 TeV
(ang. res. < 1 deg)

- Kanata -> Fermi analysis (Tanaka et al.)
ATel #10791 (Sep/28/17) 

image - X-ray observations were first reported    
by the AMON team from Penn State

- Swift observations (Keivani et al.) 
GCN #21930, ATel #10942 (Sep/26/17) 

- NuSTAR observations (Fox et al.)
ATel #10861 (Oct/12/17)

- VHE g rays were also detected by MAGIC
ATel #10817 (Oct/4/17) 

First and Last Name  |  Title of Presentation  |  Date  |  Page 2 

Quick estimate using FAVA 

>  FAVA was used to detect the blazar flare coincident with the EHE 
neutrino and issue an ATel 

 

 

>  How often does this source flare in FAVA? 

>  What is the FAVA flare density? 

800 MeV – 300 GeV TXS 0506+056

demonstration of a ’’n-triggered’’

observational campaign



Summary

• Interacting SNe: strong motivations for nonthermal emissions
- CR origin & IceCube neutrino sources
- Onset of DSA, roles of radiation, CSM properties
- Gamma rays & neutrinos can probe hidden CSM interactions 
that cannot be seen by usual EM observations (~tppLbol)

• Fermi g-ray limits: ep<0.1 – very encouraging  
- searches can be generalized to e.g., SNe Ibc and SLSNe

• HE neutrino observations by IceCube
- as powerful as Fermi gamma-ray searches
- neutrino alerts (available) & neutrino-gamma alerts (future)
- Galactic SN: >1000 HE ns!!! in the presence of Mcs>10-3 Msun

• Importance of high-freq. radio & submm. follow-up observations 
but more carefully studies are necessary (ongoing work)


